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Core accretion planet formation
model



core accretion

• core growth:
collisional accretion of  background planet-
esimals

velocity dispersion of planetesimal is key 
parameter (runaway, oligarchic, orderly)

• envelope growth:
1D structure equations (similar to stellar structure)

heating by infalling planetesimals
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follow the concurrent growth of an initially small 
solid core (ices, rocks) surrounded by a gaseous 
envelope (H2 & He) in the protoplanetary disk.

Perri & Cameron 1974, Mizuno et al. 1978, Mizuno 1980, 
Bodenheimer & Pollack 1986, Pollack et al. 1996



Accretion of gas: Boundary conditions

Pollack et al. 1996, Papaloizou & Nelson 2005, Stahler et al. 1980, Bodenheimer et al. 2000, Papaloizou & Terquem 1999, Guillot 2005

Rout = Min(RH , Racc)

P (Rout) = Pneb

T (Rout) ! Tneb

vff =

!

2GM

"
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Rout
! 1
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#

• attached case
• structure goes smoothly to Hill sphere radius
• low mass, pre-runaway planets 
• boundary conditions: background nebula
• dMXY/dt given by ability of envelope to radiate 
away energy (TKH)

• deteached case
• structure has a free outer radius
• high mass, post-runaway planets
• boundary conditions: accretion 
shock (or circumplanetary disk)
• disk and gap formation regulate 
dMXY/dt

• long term evolution: M=cst.
• Eddington approximation



Jupiter in-situ formation
Main model assumptions (as Pollack et al. 1996):  
• in situ formation (no migration)
• standard opacities

•Phase I: Rapid build up of a core. Until isolation 
mass: Emptying planetesimal feeding zone  

•Phase II: Slow accretion of gas and planetesimals

•Phase III: Runaway gas accretion at Mcore> Mcrit

Runaway solids 
accretion

Runaway gas 
accretion
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Disk evolution and migration

2)  disk evolution  
(1+1 D) α-disk with photoevaporation (Papaloizou & Terquem 1999), now also with 
irradiation from the host star (Fouchet et al. submitted).

1)  type I and type II planetary migration 
         (Lin & Papaloizou 86; Ward 97; Tanaka et al. 02). Isothermal Type I reduced by constant 
         factor f1 (free parameter). Currently working on eliminating f1 (Dittkrist et al. in prep).

•One embryo per disk, no systems (including Nbody also work in progress)

•  No particular stopping mechanism, amin=0.1 AU

•  No eccentricity, planets on circular orbits 

simplifications (most important)

•  Formation only until the gas disk disappears:  No mass growth/loss after disk dispersal 
(Terrestrial planets, Ice giants, evaporating planets)

→ extend model to include in a self consistent way (Alibert, Mordasini, Benz 2004)

similar timescales of various processes: 
τmigration  ≤ τformation ≈ τdisk evolution



Effects of migration

migration prevents the 
depletion of feeding zone

feeding zone
without migration

feeding zone with migration

Alibert, Mordasini & Benz. 2004

migration greatly speeds up 
the formation timescale: skip
phase 2

Alibert, Mordasini & Benz 2004

with migration

without 
migration



Jupiter

Models meet observations

Saturn

species measured computed

species measured computed

slow type I
fast type I

Alibert et 
al. 2005b



Planetary 
Population 
Synthesis

Observational motivation for population synthesis 9

Figure 1.1: The red line shows the total number of known extrasolar planetary companions as a function
of the epoch of discovery. Note how the number has grown very quickly in the last years, approximately as
t2!3 since 1995 (the green fitting curve goes as ! t2.5). The data is taken from J. Schneiders extrasolar planet
encyclopedia at exoplanet.eu. Before 1995, four pulsar planets, and a low mass companion of HD 114762
(Latham et al., 1989) were known. Even if the latter object has a projected mass in the planetary mass domain
there are indications that this system is seen in a rather face-on configuration, so that the true mass of the
companion could be much larger, maybe even in the low mass M star regime (Hale, 1995).

applications of population synthesis (Popov & Prokhorov, 2004).
Most of the planets in the plot were discovered by the radial velocity (RV) method, where

one measures the wobble of the star around the common center of mass of the star-planet
system. A part of the thesis was also the observational search of extrasolar planets with the
RV method using the HARPS spectrometer (Pepe et al., 2004) which yielded a number of
interesting discoveries (Santos et al., 2004a; Lovis et al., 2005, 2006; Udry et al., 2006; Mayor
et al., 2008; Curto et al., 2006). This observational work within the HARPS consortium (PI:
Michel Mayor) allowed to learn and understand the most important observational technique to
detect extrasolar planets. It also made possible a very direct access to the latest observational
results, a direct insight in the various biases involved in the detection process, and a direct
collaboration between the observational approach at the Obsérvatoire de Genève, and the
theoretical approach of our group in Bern. Therefore, the observational results obtained by
the RV method form the main observational comparison data that was used in the theoretical
part. Note that population synthesis can also act back on observation, mainly by the second
classical application of population synthesis (Popov & Prokhorov, 2004) which consists in
making predictions for objects which cannot be observationally detected today, as illustrated
in Paper II for the Doppler method.

In the last years, also photometric transit searches (besides other techniques like microlens-
ing) have resulted in an increasing number of detections of extrasolar planets. For such planets,
additional constraints on the physical properties of an extrasolar planet, in particular for its
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Extrasolar planet population synthesis: 
Observational Motivation I

extreme diversity

no more single objects, 
but a population
• distributions of

•masses
•semimajor axes
•host star metallicities
•eccentricities

•correlations

• hot Jupiters
• super Jupiters

• hot Neptunes
• eccentric planets

J. Schneider’s exoplanet.eu

• planetary systems

Reason?
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protoplanety disks: diversity too. 
observational determination of 
distributions of

• disk gas masses
• disk dust masses
• disk lifetimes

diversity of disks (initial conditions)

diversity of planets (end products)

reproducible in a theoretical 
model by population synthesis ?

Extrasolar planet population synthesis: 
Observational Motivation II

NGC 2024

Trapezium



Extrasolar Planet Population synthesis: 
Principle

 Extended core accretion model
Formation model quantitatively tested in 
the Solar System (Alibert et al. 2004)

Initial Conditions: Probability 
distributions & parameters

Disk gas mass
Disk dust mass
Disk lifetime

From 
observations

Draw and compute 
synthetic 

planet population

Apply observational
detection bias

Model solution 
found!MatchNo match: improve, 

change parameters

Observed 
population 

Observable sub-population
- Distribution of semi-major axis
- Distribution of masses
- Fraction of hot/cold Jupiters
- Metallicity effect

Comparison:

Predictions
(going back to the full 
synthetic population)

 
Cross check 

Couple to other detection 
methods

Mordasini et al. 2009a
Mordasini et al. 2009b



Population Synthesis: Initial conditions
Some can be constrained by observations, some from theoretical 

arguments and some are just “educated” guesses.

Four Monte Carlo variables with probability distributions

• Dust-to-gas ratio (solid surface density). 

• Initial gas surface density. 

• Photoevaporation rate. 

• Initial semimajor axis of the small planetary seed put into the disk. 

 Parameters (fixed for one synthetic population)
• Type I migration rate reduction factor f1 

• Disk viscosity parameter α (0.007)

• Planetesimal size (R=100 km)

• Initial solid surface distribution (∝ r-3/2) 

• Stellar mass



Constraints on the initial conditions

L-band (3.4 μm) 
photometry:
- excess caused by μ-
sized dust @ ~900K
... ok to < 10 AU

3 Disk lifetime
Haisch et al. 2001

NGC 2024

Trapezium

IC 348

NGC 2362

Beckwith & Sargent 1996 

2 Disk (gas) masses
Thermal continuum emission from cold dust at mm 
and submm wavelengths.

1 Metallicity 
assume same in star 
and disk
Stellar [Fe/H] from spectroscopy. 
Gaussian  distribution for [Fe/H] 
with µ ~0.0, σ~ 0.2. (e.g. Santos 
et al. 2003)

N. C. Santos et al.: Statistical properties of exoplanets 367

Fig. 2. Left: metallicity distribution of stars with planets making part of the CORALIE planet search sample (shaded histogram) compared
with the same distribution for the about 1000 non binary stars in the CORALIE volume-limited sample (see text for more details). Right: the
percentage of stars belonging to the CORALIE search sample that have been discovered to harbor planetary mass companions plotted as a
function of the metallicity. The vertical axis represents the percentage of planet hosts with respect to the total CORALIE sample.

suggests that we may be looking at the approximate limit on the
metallicity of the stars in the solar neighborhood.

Here we have repeated the analysis presented in Paper II,
but using only the planet host stars included in the well de-
fined CORALIE sample7. This sub-sample has a total of 41 ob-
jects, !60% of them having planets discovered in the con-
text of the CORALIE survey itself. Here we have included all
stars known to have companions with minimum masses lower
than !18 MJup; changing this limit to e.g. 10 MJup does not
change any of the results presented below.

The fact that planets seem to orbit the most metal-rich stars
in the solar neighborhood has led some groups to build planet
search samples based on the high metal content of their host
stars. Examples of these are the stars BD-10 3166 (Butler et al.
2000), HD 4203 (Vogt et al. 2002), and HD 73526, HD 76700,
HD 30177, and HD 2039 (Tinney et al. 2002). Although clearly
increasing the planet detection rate, these kind of metallicity bi-
ased samples completely spoil any statistical study. Using only
stars being surveyed for planets in the context of the CORALIE
survey (none of these 6 stars is included), a survey that has
never used the metallicity as a favoring quantity for looking for
planets, has thus the advantage of minimizing this bias.

As we can see from Fig. 2 (left panel), the metallicity distri-
bution for the planet host stars included in the CORALIE sam-
ple does show an increasing trend with [Fe/H]. In the figure,
the empty histogram represents the [Fe/H] distribution for a
large volume limited sample of stars included in the CORALIE

7 These are: HD 142, HD 1237, HD 4208, HD 6434, HD 13445,
HD 16141, HD 17051, HD 19994, HD 22049, HD 23079, HD 28185,
HD 39091, HD 52265, HD 75289, HD 82943, HD 83443, HD 92788,
HD 108147, HD 114386, HD 114729, HD 114783, HD 121504,
HD 130322, HD 134987, HD 141937, HD 147513, HD 160691,
HD 162020, HD 168443, HD 168746, HD 169830, HD 179949,
HD 192263, HD 196050, HD 202206, HD 210277, HD 213240,
HD 216435, HD 216437, HD 217107, and HD 222582.

survey (Udry et al. 2000). The metallicities for this latter sam-
ple were computed from a precise calibration of the CORALIE
Cross-Correlation Function (see Santos et al. 2002a); since the
calibrators used were the stars presented in Paper I, Paper II,
and this paper, the final results are in the very same scale.

The knowledge of the metallicity distribution for stars in
the solar neighborhood (and included in the CORALIE sam-
ple) permits us to determine the percentage of planet host stars
per metallicity bin. The result is seen in Fig. 2 (right panel). As
we can perfectly see, the probability of finding a planet host is
a strong function of its metallicity. This result confirms former
analysis done in Paper II and by Reid (2002). For example, here
we can see that about 7% of the stars in the CORALIE sample
having metallicity between 0.3 and 0.4 dex have been discov-
ered to harbor a planet. On the other hand, less than 1% of the
stars having solar metallicity seem to have a planet. This result
is thus probably telling us that the probability of forming a giant
planet, or at least a planet of the kind we are finding now, de-
pends strongly on the metallicity of the gas that gave origin to
the star and planetary system. This might be simple explained if
we consider that the higher the metallicity (i.e. dust density of
the disk) the higher might be the probability of forming a core
(and an higher mass core) before the disk dissipates (Pollack
et al. 1996; Kokubo & Ida 2002).

Although it is unwise to draw any strong conclusions based
on only one point, it is worth noticing that our own Sun is in the
“metal-poor” tail of the planet host [Fe/H] distribution. Other
stars having very long period systems (more similar to the Solar
System case) do also present an iron abundance above solar. If
we take all stars having companions with periods longer than
1000 days and eccentricities lower than 0.3 we obtain an aver-
age <[Fe/H]> of +0.21. A lower (but still high) value of +0.12
is achieved if we do not introduce any eccentricity limit into
this sample. We caution, however, that these systems are not
necessarily real Solar System analogs.

Santos et al. 2003

p(a)da ! da

!
! da

a
= dlog(a) ! const.

Analytical work (Lissauer & Steward 1992) and 
numerical simulations (Kokubo & Ida 2000):  spacing 
between bodies Δ ∝ a

i.e. uniform in log(a) (Ida & Lin 2004)

4 Initial semimajor axis of the seed embryo: 
   not observationally constrained
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Planetary formation tracks
Mstar=1 M⊙

Nominal model
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Synthetic Population 
Nominal Model: alpha= 7x10-3, f1=0.001, M=1 M⊙

Planets that 
reached inner 

boarder of                    
computational disk

20 C. Mordasini et al.: Extrasolar planet population synthesis I

Fig. 14. Final mass M versus final distance a of all Nsynt ! 50 000 synthetic planets of the planetary population orbiting G type stars using the
parameters and distributions described in §3 (! = 7 " 10#2, fI = 0.001). The feeding limit at atouch is plotted as dashed line. Planets migrating into
the feeding limit have again been put to 0.1 AU. As atouch gets very large for M ! 20M!, also a few extremely massive planets are in the feeding
limit which should however be regarded as a simulation artifact. One remarks how the di!erent phases of the formation tracks leave their traces in
the final positions of the planets.

planets around single host stars are considered (Udry et al. 2003,
Zucker & Mazeh 2002). In future simulations, we will study the
dependence of the particular slope of Mmax(a) at small distances
on the disk surface density profile. With the initial surface den-
sity profile used for the populations discussed here (" $ a#3/2),
we find that inside 3 AU, Mmax scales approximately as a3/4 (as
Miso), provided that type I migration is slow, as discussed in §5.2.
For populations obtained with higher type I migration rates Mmax
is flat inside % 3 AU. Future observations of a very large num-
ber of single giant planets out to several AU (Ge et al. 2007)
around single stars will help to define better the exact slope of
Mmax(a), and therefore constrain further migration models, and
disk surface density profiles.

When comparing fig. 14 with actual discoveries, one should
bear in mind the incompleteness of the model for close-in, ter-
restrial mass planets. The reason for it was discussed in §5.2.

5.3.3. Additional sub-structures in the a # M diagram

The di!erent phases of planet formation and migration that were
identified in the formation tracks leave traces also in the fi-
nal properties of the planets. Clearly, one can distinguish the
“failed cores”, the “horizontal branch”, the “main clump”, and
the “outer group” planets.

As a new feature, fig. 14 however also shows a slight deple-
tion of planets with masses between 30 to 100 M&. This deple-
tion is the analogue of the “planetary desert” first discussed by
Ida & Lin (2004a). Compared to their results, the depletion is
much less severe in our simulations.

The reason for this di!erence is di#cult to pinpoint exactly,
as both formation models di!er in many aspects, but could be
related to the way the maximal gas accretion rate of the planets
is calculated. Both models use the criterion that the gas accretion
rate given by the planet’s Kelvin-Helmholtz timescale (which we

The variation of the 
initial conditions within 
the observed limits 
(protoplanetary disk 
properties) produces 
synthetic planets of a 
very large diversity.

Mordasini et al. 2009a

A number of clusters 
can be identified.

•“Iceline clump”
•“Planetary desert”
•“Failed cores”



Model incompleteness

Mordasini 
et al. 2009b
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MStar=1 MSun

Nominal Model

Planetary Initial Mass Function PIMF

Type Mass (MEarth) %

(Super)-Earth < 7 58

Neptunian 7-30 17

Intermediate 30-100 6

Jovian 100-1000 14

Super-Jupiter > 1000 4

Model predicts that planets with 
M < 30 MEarth account for over 

75% of all planets 
• Complex structure, dominated by low mass planets
• Consistent w. non-detection of Jupiters around 90-95% stars.
• Maxima at masses similar to Solar System planets.



Correlations with disk and 
stellar properties



Fe/H mainly just scales 
PIMF for giant planets:
Fe/H: threshold, but final 
mass not given by Fe/H
•higher number of giants
•but not more massive 

Disk mass changes the MF 
shape for giant planets.
High disk mass: giant 
planets of higher mass, but 
less of lower mass.

Disk lifetime changes both. 
Long living disks: giants
• more numerous and
• higher mass

-Correlation with MD

PIMF: Dependence on disk properties

Metallicity Disk mass Disk lifetime

• Metal poor systems produce more small bodies
• Minimum metallicity effect for Super-Earths & Neptunes   

No metallicity effect 
for Neptunes

366 S. Udry et al.: The HARPS search for southern extra-solar planets. V.

check whether these models lead to a di!erent planetary initial
mass function than in Ida & Lin (2004a).

At first glance, the relatively numerous small-mass objects
discovered so far seem to pose a problem for current planet
formation theories (Lovis et al. 2005); however, the situation
is actually more complex. For example, examining a poten-
tial metallicity-mass relation for exoplanets, Rice & Armitage
(2005) raise the possibility that the planet desert might be popu-
lated by late-forming planets for which the evolution/migration
is stopped at intermediate masses and distances by the dissolu-
tion of the disk. Also, since all the very low-mass planets that
are currently known are located close to their star, one cannot
exclude the possibility that these objects were initially much
more massive and then have lost a significant amount of their
mass through evaporation during their lifetime (see Bara!e
et al. 2004, 2005, for a more detailed discussion).

While mass loss from initially more massive objects could
possibly account for the light planets very close to their star, it
is not clear whether µ Ara c located at a distance of 0.09 AU
could actually result from the evaporation of a more massive
object. The situation is even more critical for HD 4308 b that is
located farther away (0.115 AU) from its parent star, which is,
in addition, less luminous than µ Ara by a factor of !1.8. The
e!ects could possibly be compensated for, at least partially,
by the estimated very old age of the star. However, as more
µ Ara-like objects are being discovered, and if they are all the
results of the evaporation of larger mass planets, the question of
the probability of detecting these systems shortly before com-
plete evaporation will become a central one. As already stated
by Bara!e et al. (2005), the current evaporation models are
still a!ected by large uncertainties – lack of detailed chemistry,
non-standard chemical composition in the envelope, e!ect or
rocky/icy cores, etc. – that will need to be clarified in order
to solve the question of the possible formation of µ Ara-type
planets through evaporation.

Finally, given their close location to their star, the detected
small mass planets are likely to have migrated to their current
position from further out in the nebula. The chemical compo-
sition of these planets will depend upon the extent of their mi-
gration and the thermal history of the nebula and, hence, on the
composition of the planetesimals along the accretion path of
the planet. The situation is complicated by the fact that the ice-
line itself is moving as the nebula evolves (see e.g. Sasselov
& Lecar 2000). Detailed models of planetary formation that in-
clude these e!ects have yet to be developed.

5.2. Influence of parent star metallicity

It is well-established that the detected giant planets prefer-
entially orbit metal-rich stars (Gonzalez 1998; Gonzalez &
Vanture 1998; Gonzalez et al. 2001; Santos et al. 2001, 2003,
2005; Fischer & Valenti 2005). The frequency of planets is
even found to be a steeply rising function of the parent star’s
metallicity, as soon as the latter is over solar (Santos et al.
2001; Fischer & Valenti 2005). In the scenario where gas giants
acquire their mass through planetesimal coagulation followed
by rapid gas accretion onto the core, the high probability of a

Fig. 7. Metallicity distribution of the sample of extrasolar planet hosts
for planets with shorter periods than 20 days. Stars with Neptune-mass
planets are indicated by the shaded histogram.

planet to be present around metal-rich stars arises naturally4 if
protostellar disks attain the same fraction of heavy material as
the forming central star (Ida & Lin 2004b).

If the new hot Neptune planets are the remains of evapo-
rated ancient giant planets, they should also follow the metal-
licity trend of their giant progenitors. This does not seem to be
the case, considering that the 7 known planets with m2 sin i "
21 M# – µ Ara c (Santos et al. 2004b), 55 Cnc (McArthur et al.
2004), Gl 436 (Butler et al. 2004), Gl 777A c (Vogt et al. 2005),
Gl 876 d (Rivera et al. 2005), Gl 581 (Bonfils et al. 2005),
and HD 4308 b – have metallicities of 0.33, 0.35, 0.02, 0.14,
$0.03, $0.25, and $0.31, respectively. Although the statistics
are still poor, the spread of these values over the nearly full
range of planet-host metallicities (Fig. 7) suggests a di!erent
relation between metal content and planet frequency for the
icy/rocky planets in regard to the giant ones.

However, we have to note here that 3 of the candidates
orbit M-dwarf primaries. Recent Monte-Carlo simulations by
Ida & Lin (2005) show that planet formation around small-
mass primaries tends to form planets with lower masses in the
Uranus/Neptune domain. A similar result that favours lower-
mass planets is also observed for solar-type stars in the case of
the low metallicity of the protostellar nebula (Ida & Lin 2004b;
Mordasini et al. in prep.). Future improvements in the planet-
formation models and new detections of very-low mass planets
will help to better understand these 2 converging e!ects.

6. Summary and concluding remarks

In this paper we have reported the detection of a new very
light planet in the Uranus/Neptune mass range that orbits the

4 On the contrary, such a correlation is not expected with the
gravitational-instability scenario. Recent simulations even lead to the
opposite result (Cai et al. 2005).

[Fe/H] dist. of Hot Neptunes: flat!
[Fe/H] dist. of all known planets 
P<20 d

Low mass 
planets

Observation

Udry, Mayor, Benz 
et al. 2006



Disk metallicity colorcoded
green: Fe/H>0.2
blue: -0.2<Fe/H<0.2
red: -0.2>Fe/H

Initial gas surface density @ 5.2 AU [g/cm^2]
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Giant planets only, f1=0.001, alpha=7x10-3

Migration: Disk mass influence

High gas mass, high metallicity: 
giant forming inside the iceline. 
don’t migrate much: too massive:
braking effect

High gas mass, low metallicity: 
max.  migration distance: must 
collect solids: collection effect

Low gas mass: need high 
metallicities. Intermediate migration.
compensation effect

Indicates migration over 
roughly 4 AU for Jupiter, 
consistent with earlier results 
(Alibert et al. 2005b)
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Fig. 2. The surface density of solids as a function distance from the star
in the protoplanetary disk with the same parameters as in Fig. 1 after
106 yr from the beginning of its evolution. Di!erent curves correspond
to di!erent values of the mass of the central star in solar masses as
described by the labels.

(Weidenschilling 1977; Kornet et al. 2002). A change M! in-
fluences it in two opposite manners. On the one hand, Vmax

s in-
creases with the mass of the star due to the increase in the disk
temperature. On the other hand, it decreases because of the in-
crease in the Keplerian velocity. Of these two competing factors,
the second one dominates, and as a result the Vmax

s is a decreas-
ing function of M!.

Due to the inward migration of solids and their confinement
to much smaller radii, the final surface density of planetesimals
is increased locally within a factor of a few in comparison with
the initial value of "s. As this e!ect is larger in disks around less
massive stars, their final planetesimal swarms tend to be more
favourable to the formation of giant planets.

3.2. Minimum surface density

To quantify the influence of M! on the e!ectiveness of giant
planet formation from a planetesimal swarm, we introduce the
concept of the minimum surface density "s,min. We define it as
the minimum value of the initial surface density of planetesi-
mals "s,init needed to form a Jupiter-mass (1 MJ) planet in less
than the lifetime of the protoplanetary disk "f . For "f we adopt
a value of 3 ! 106 yr.

First, by solving the set of Eqs. (7), (9), and (12) with di!er-
ent values of "s,init, we determine "s,min as a function of distance
from the star. The results are shown in Fig. 3 for the same values
of M! as before. Close to the star (a < 10 AU), "s,init is a de-
creasing function a. In this regime, the accreting protoplanetary
core rapidly accumulates all planetesimals in its feeding zone
and reaches the isolation mass Miso. Afterwards, the accretion
of planetesimals is negligible and the planet grows mainly due
to the accretion of gas. Upon integrating Eq. (12), we obtain the
minimum isolation mass needed to form a 1 MJ planet within "f :

Miso " [M1#c
J + (c # 1)Ã"f ]1/(1#c), (14)

where we assumed that the time needed for the core to reach Miso
is much shorter than "f . On the other hand, from the definition
of Miso, we see that

Miso =
(2#)3/2

$
h

a3
!
#a
RH

"3/2
M#1/2
! "3/2

s,init. (15)
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Fig. 3. The minimum surface density of a planetesimal swarm needed
to from a 1 MJ planet in less than 3 ! 106 yr as a function of distance
from the central star. Di!erent curves are obtained for di!erent masses
of the central star, as labeled in units of solar masses in the upper right
corner.

Combining these two equations and neglecting the factor M1#b
J ,

we obtain an analytical formula for "s,min

"s,min =
h1/3

2#
a#2
!
#a
RH

"#1

M1/3
! [(c # 1)Ã"f ]2/3(1#c), (16)

which for a < 10 AU agrees very well with the exact values
of "s,min on the descending branch of the curve "s,min(a) (see
Fig. 4). Note that in this regime the quantity "s,min is an increas-
ing function of the stellar mass. This behaviour is due to the fact
that, while we increase M!, the Hill sphere shrinks, and as a re-
sult the isolation mass decreases (provided, of course, that "s,init
stays constant).

For su$ciently large radii (a > 10 AU), "s,min(a) changes its
slope and becomes an increasing function of a. In this regime,
the time scale of accretion of the planetesimals onto the core is
larger than the lifetime of the disk and becomes the main factor
to determine "s,min. Consequently, the surface density of plan-
etesimals in the feeding zone never drops much below its initial
value. To describe the formation of a planet analytically under
these conditions, we divide the whole process into two phases.
During the first phase the planet exclusively due to the accre-
tion of planetesimals grows. We assume that the surface density
of planetesimal swarm "s does not change in time, because the
core only accumulates a negligible fraction of solids present in
the feeding zone. From Eq. (7) we obtain

dMp

dt
= AcM2/3

p , (17)

where

Ac =

!
3#2

4

"1/3 $
GC1Ccap

1
(h$c)1/3

M1/6
!$
a
"s,init (18)

is a constant factor (we neglect the changes of Ccap in time,
and $c in the above expression denotes the density of the core).
During the second phase the planet grows exclusively due to the
accretion of gas at a rate described by Eq. (12). This phase be-
gins when the planet reaches the mass Mp,int for which the ac-
cretion rate of gas is equal to the accretion rate of planetesimals.
From Eqs. (12) and (17), we get

Mp,int =
#Ac

Ã

$3/(3c#2)

. (19)

Kornet et al. 2006

candidates for this scenario). All of this leads us to
predict that within the diverse ensemble of plan-
etary systems, ones resembling our own are the
exception rather than the rule. Observationsmay be
hinting at this already (30), although the true planet
distribution remains largely obscured by selection
effects (25). On the other hand, scaled-down ver-
sions of the solar system, in which a moderate
amount of migration took place, are likely to be
more common; indeed, such a system has recently
been discovered through microlensing (31). Final-
ly, scenarios in which type II migration is reduced
(32, 33) wouldmodify our prediction, permitting a
more common occurrence of solar system analogs.

In all of our simulations, the formation of a
gas giant brings with it violent scattering of neigh-
boring smaller bodies, including other cores about to
undergo runaway gas accretion themselves. Such
scattering has been proposed as the origin of Uranus
and Neptune (34), with dynamical friction from the
remnant outer planetesimal disk (not modeled here)
serving to prevent their ejection and ultimately re-
circularize their orbits. Thus, whether or not Jupiter
and Saturn analogs are rare, it is likely that Uranus
and Neptune analogs are quite common.
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Suppressing Spin Qubit Dephasing by
Nuclear State Preparation
D. J. Reilly,1 J. M. Taylor,2 J. R. Petta,3 C. M. Marcus,1* M. P. Hanson,4 A. C. Gossard4

Coherent spin states in semiconductor quantum dots offer promise as electrically controllable
quantum bits (qubits) with scalable fabrication. For few-electron quantum dots made from gallium
arsenide (GaAs), fluctuating nuclear spins in the host lattice are the dominant source of spin
decoherence. We report a method of preparing the nuclear spin environment that suppresses
the relevant component of nuclear spin fluctuations below its equilibrium value by a factor of ~70,
extending the inhomogeneous dephasing time for the two-electron spin state beyond
1 microsecond. The nuclear state can be readily prepared by electrical gate manipulation
and persists for more than 10 seconds.

Quantum information processing requires
the realization of interconnected, control-
lable quantum two-level systems (qubits)
that are sufficiently isolated from their en-

vironment that quantum coherence can be main-

tained for much longer than the characteristic
operation time. Electron spins in quantum dots
are an appealing candidate system for this appli-
cation, as the spin of the electron is typically only
weakly coupled to the environment relative to the

Fig. 3. Approximate
timing and location of
gas giant formation in
a protoplanetary disk.
(Bottom) The final or
“isolation” mass of solid
cores (black dots), with
spacing between succes-
sive cores taken fromplan-
et formation simulations
(38). (Top) The time (thick
solid curve) for a core
(black dots; vertical dotted
lines connect to corre-
sponding core in bottom
panel) to become a gas
giant (horizontal dotted
lines show times for in-
dividual protoplanets).
We approximate this as
the sum of the time for
the core to reach its final
mass, tcore (thin solid
curve), and the time for
the core to undergo run-
away gas accretion, taken
to be its Kelvin-Helmholtz time (39), tKH (dashed curve). As inmore detailed calculations (40), we find that gas
giant formation commences at one particular radius, which for typical parameters lies in or near the Jupiter-
Saturn region (in this case at 7 AU and at time tgiant just under 2 My). Giant formation begins in a burst, with
several planets growing in rapid succession, then slows down as it spreads to larger and smaller radii. In
practice, once an inner hole forms in the gas disk, formation is constrained to progress only outwards.
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Inside: available mass criterion
-Migration relaxes the condition somewhat

Outside: timescale criterion
-Only long living disk make giants at low Σsolid 
at large distances

sweet spot

Preconditions for giant planets



Influences of stellar mass 
cf.  Laughlin et al. 2004, Ida & Lin 2005

Low (high) mass stars lead to the 
formation of lower (higher) mass planets. 
Mstar also influences semi-major axis and 
metallicity dependence.Alibert, Mordasini & Benz. in prep
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Fig. 12. Mass versus semi-major axis for stars between 0.1 M! and 2.0 M!. The !D parameter is equal to 1.2, and disk lifetime are reduced for
stars more massive than 1.5 M!. 30000 stars are considered in each panel. First line, from left to right, masses between 0.1 M! and 0.5 M!, second
line, from left to right, masses between 0.6 M! and 1.0 M!, third line, from left to right, masses between 1.1 M! and 1.5 M! fourth line, from left
to right, masses between 1.6 M! and 2.0 M!.
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Table 1. Parameters for the simulations used in the paper (except if
explicitly mentioned).

Feature Values
Type I migration reduction factor fI 0.001
Viscous parameter ! 7 ! 10"3

Initial exponent gas disk !(a, t = 0) -3/2
Rockline included no
Iceline included yes
Outer radius of the computational disk 30
Inner radius of the computational disk 0.1
fD/G,# 0.04

calculations. Indeed, the epoch of embryo formation (the lat-
ter corresponding to the timescale required to form the seed
embryo, see paper I) depends on the Keplerian frequency, as
well as on the distribution of solids. Numerical calculations
show that, for a given solid surface density, the embryo for-
mation timescale is lower around high mass stars. This e!ect
is amplified by the fact that disks around high mass stars
are more massive than around low mass stars. In certain
parts of the disk, solid surface density is higher around low
mass stars (due to the fact that the iceline is located closer
in), which may, locally, speed up the formation of the em-
bryo around low mass stars. However, this concern only a
low number of embryos (those located beyond a low mass
star’s iceline, and before a high mass star’s iceline).

2.2. Parameters and initial conditions

In this paper, we aim at studying in a global framework the for-
mation process of planets around stars of di"erent mass. As a
consequence, we will use for the parameters of the model the
same values as in paper I. Depending upon the scaling of the
disk with the mass of the primary, the disk mass and lifetime
will represent an exception to this rule. In addition, since part of
our work focusses on the frequency of close-in planets predicted
to orbit stars of various masses, we now follow the planetary mi-
gration and growth until the planet crosses the inner boundary
of the protoplanetary disk located at 0.1 AU. This means that
the inner edge of the planet feeding zone, which was located at
aplanet"4RH in paper I and II, is now located at the greater of this
former value, and 0.1 AU. This modification has no e"ect on the
mass growth of planets.

The two key parameters characterizing the formation model
are the ! parameter, entering in the determination of the vis-
cosity, and the type I migration rate parameter fI . As shown in
paper II, population synthesis calculations allow to reproduce
the semi-major axis and mass distributions for single giant plan-
ets orbiting G stars using ! = 7 ! 10"3, and fI = 0.001. Other
parameters of the model are taken from the nominal model of
paper I, and are summarized in table 1, where fD/G,# is the as-
sumed planetesimals to gas ratio in the planet forming region
for a solar metallicity system. We stress that, for simplicity, we
do not take into account here the dependance of star’s metallic-
ity with respect to their mass. Even if M dwarfs are known to be
slightly metal poor, this e"ect is not included in our calculations.
We justify this by noticing the much larger uncertainty existing
on the relationship between disk mass and primary mass.

The determination of the relation between the disk mass and
the central star mass has been the subject of numerous obser-
vational studies. We assume in our model that the two quanti-
ties are linked by a relation of the type Mdisk $ M!D

star. Based on

H! line profiles, Muzerolle et al. (2003), and Natta et al. (2004)
have inferred that the disk accretion rate roughly scales with the
square of the primary mass. We have calculated, using our disk
model, the dependance of this accretion rate, at the inner edge
of our computational disk, and studied the influence of the !D
value. Our calculations show that !D % 1.2 allows to roughly
reproduce the data from Muzerolle et al. (2003) and Natta et al.
(2004). We will then consider this case as our nominal model,
but will also consider the case !D = 0 and 2 in an e"ort to pro-
vide bracketing results. Finally, note that, in order to consider
only gravitationally stable disks, the disk mass is limited to a
tenth of the central star mass, whatever the assumed !D value.

The observational determination of the disk lifetime around
stars of di"erent mass has only been reachable in the recent
years, due to the growing number of observations. By correlat-
ing for di"erent stellar clusters the fraction of stars with infrared
excess with their mass, Kennedy and Kenyon (2009) have shown
that disks orbiting stars more massive than % 1.5M# have shorter
lifetimes. The dependance of disk lifetime is di#cult to obtain
from present day observations, but the data seem to be consis-
tent with a disk lifetime decreasing as M"1/2

star , for Mstar > 1.5M#,
and a disk lifetime independent of the central star mass for less
massive stars. In the following, we adopt this dependency but
consider also a case in which the disk lifetime is independent of
the stellar mass (see section 3.3).

3. Results

3.1. Minimum mass versus semi-major axis diagrams

Fig. 1 to 3 show the predicted mass versus semi-major axis di-
agrams for respectively the nominal model (!D = 1.2), a disk
mass independent of the primary mass (!D = 0), and a disk
mass strongly depending on it (!D = 2). In each of these fig-
ures, the middle and lower panels also show the sub-population
whose induced Doppler semi-amplitude is larger than 10 m/s or
1 m/s, and with a period lower than 5 years3. The mass of the
primary is taken equal to 0.5, 1, and 2.0 M#.

3.2. Theoretical mass function

Two classes of planets are found in our simulations. The first
class, ”cool” planets, are planets that didn’t cross the inner
boundary of our computational disk. The second class, ”hot”
planets, did cross the inner boundary at a certain epoch, and their
formation is not followed after this epoch. Therefore, their fate
is uncertain: they may be accreted by the central star, or may
survive provided a stopping mechanism is at work in the inner
parts of the disk. Hot planets may also grow in mass, thanks to
accretion of gas flowing from the outer parts of the disk toward
the inner regions. Despite this, in our simulations these planets
stay at 0.1 AU and do not increase further their mass.

Fig. 4 gives the planetary initial mass function for three val-
ues of the primary mass (0.5, 1.0 and 2.0 M#) and di"erent
values of !D. Three curves are displayed in each panel, cor-
responding to the full theoretical population, the planets that
can be observed with a 10 m/s and a 1m/s accuracy spectro-
graph (see caption). The planets can be separated in three dif-
ferent classes (corresponding to the three peaks clearly seen for
Mstar = 0.5M#). The first class of planets are low mass plan-
ets (a few Earth masses). Their formation process is very sim-

3 These planets will abusively be named later as ”detectable with a
10 m/s or 1 m/s accuracy spectrograph”

Scaled distribution of disk masses:

Preferred value: αD=1.2
Leads (within our disk model) to 
observed quadratic dependence of 
disk accretion rate and Mstar .

Muzerolle et al. 2003
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•Text

Detectable sub-population

&
Observ. comp. sample

• 0.7 < Mstar < 1.3
• e < 0.3
• One planet / star
• Single host stars
• KRV>10 m/s

 Tip of the iceberg
 Overall detection
    probability: 9 %  
    (∼as obs.)

a-M

Full synth. population “Observe” 10 yrs at 10 m/s

KS a-Msini: 88%

Core accretion is able to reproduce well 
the mass-distance distribution of the 
actual extrasolar planet population.

best fitting model (α,f1) is found by statistical comparison with observation

Non-trivial because 1) many constraints at 
one time  2) few parameters 3) probability 
distributions fixed 4) cannot force arbitrarily



The mass distribution is 
very well reproduced.

Blue lines: Observational comparison sample
Black lines: Detectable synthetic sub-population

Mass: 
 KS 96%

4 Marcy, Butler, Fischer, Vogt, Wright, Tinney and Jones

The target list also includes 120 M dwarfs, located mostly within 10 pc with
declination north of !30 deg.87) For the late-type K and M dwarfs, we restricted
our selection to stars brighter than V = 11. All slowly rotating stars are surveyed
with a Doppler precision of 3 m s!1 to provide a uniform sensitivity to planets. Thus
far, our Lick, Keck, and Anglo-Australian surveys have revealed 104 planets orbiting
88 stars, including 12 multi-planet systems. The orbital elements and masses of these
exoplanets are regularly updated at: http://exoplanets.org .

§3. Observed properties of exoplanets

We derive the statistical properties of planets from the 1330 FGKM target stars
for which we have uniform precision of 3 m s!1 and at least 6 years duration of
observations. Detected exoplanets have minimum masses, Msin i, between 6 MEarth

and "15 MJup, with an upper mass limit corresponding to the (vanishing) tail of
the mass distribution. The planet mass distribution is shown in Fig. 1 and follows
a power law, dN/dM # M!1.05 54), 55) a!ected very little by the unknown sin i.41)

The paucity of companions with Msin i greater than 12 MJup confirms the presence
of a “brown dwarf desert”54) for companions with orbital periods up to a decade.

 Planet Mass Distribution
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Fig. 1. The histogram of 104 planet masses (Msin i) found in the uniform 3 m s!1 Doppler survey
of 1330 stars at Lick, Keck, and the AAT telescopes. The bin size is 0.5 MJup. The distribution
of planet masses rises as M!1.05 from 10 MJup down to Saturn masses, with incompleteness at
lower masses.

Marcy et al. 2005

Mass distribution

Also studied semimajor axis (KS: 64%) 
and [Fe/H] (KS 22%) distributions.



Observation 

10 m/s (KS)
1m/s
0.1 m/s
Full Population

Synthetic 

If confirmed, very strong sign of c. a.
Dryness of the planetary desert

Hints of the Neptunian bump and 
the minimum at 30 M⊕?

?

Observational 
bias

All instruments
HARPS (1 m/s)

Udry & Santos 2007

Towards the underlying mass distribution



Observations show: Extrasolar planets are preferentially found around stars with a high heavy 
element abundance: “Metallicity effect”  

Does not mean there are no planets 
around low [Fe/H] stars... we just can’t 
detect them at the moment...

“Metallicity effect”

Well reproduced by the synthetic population.
•Dependence not strong enough: Additional 
mechanisms? Planetesimal formation?

Large metallicity effect on RV detections
• Metal rich systems tend to produce more 
massive planets
• Radial velocity method favors massive 
objects

cf. also Santos et al. 2004, 2005

Blue: Observation (Fischer & Valenti 2005)
Red: Observation (Udry & Santos 2007)
Black: Observable synthetic planets

[Fe/H]

∝ Z

∝ Z2

Mordasini et al. 2009b



Unobservable (?) detection probabilities

Log(Σgas/200 g/cm2)

Gas surface density Disk lifetime

• Formation probability of giant planets increases with increasing disk gas 
mass and disk lifetime.

• Observation: Solar-type stars with massive planets have lower Li 
abundances than solar-type stars without massive planets. Long living 
disks>stronger breaking of stellar surface layer>differential rotation>internal 
mixing>stronger Li depletion. Disk lifetime effect IS observable? Bouvier 2008



Disk lifetime and stellar mass 

Not observed! 
Talk J. Johnson

Alibert, Mordasini, Benz, in prep

many Hot Planets
around massive 

stars

Mstar=2 Msun

Observation: Shorter disk lifetimes for more massive stars
Kennedy & 

Kenyon 2009

no Hot Planets few warm planets

for 

Mstar=2 Msun

cf. Currie 2009



•Mass function of giant planets (M>100 Mearth) scales for Mstar 
0.3 to 2 Msun approximatively as 

Stellar and planetary mass

Y. Alibert et al.: Extrasolar planet population synthesis. III 5

Fig. 4. Planetary Initial Mass Function for di!erent values of the pri-
mary mass (given at the top of each column) and di!erent values of !D
(indicated on the right). In each panel, 30000 formation models have
been considered. The y axis presents the fraction of resulting planets
in a given mass bin. The solid black line gives the mass function of
all planets, whereas the red dashed and blue dotted lines correspond to
planets observable assuming respectively a 10 m/s and 1 m/s accuracy
spectrograph.

low mass stars compared to high mass stars. In particular, it is
interesting to note that very few Neptune mass planets are pre-
dicted around 2.0 M! stars. This results essentially from the
evolution of the disk mass (the e!ect is more pronounced for
!D = 2, see the maximum mass of planets around 2.0M!), and
can be explained as follows: when disks are more massive, plan-
ets are more likely to accrete enough mass and to reach the crit-
ical mass and enter in the ”massive planets” population.

Note that, as the primary mass increases, the size of the plan-
ets feeding zone decreases (all the other parameters being kept
constant), and one could conclude that this should result, on av-
erage, in lower mass planets. However, this e!ect is clearly o!-
set by the increase in disk mass and the fact that, since many
of the processes time scales vary with the Keplerian frequency,
massive embryos form earlier around massive stars. All these
results are qualitatively in agreement with Ida & Lin (2005) and
Laughlin et al. (2004). While the formation of giant planets or-
biting M dwarfs is indeed less probable, it is important to stress
that such planets can form around M dwarfs within the core ac-
cretion mechanism.

Interestingly enough, the mass function for giant plan-
ets (more massive than 100 M") can be approximated by the
following simple analytical law:

Mplanet = Mplanet,1M! #
!

Mstar

M!

""

where " = 0.9 provides good results, at least in the nominal
case (!D = 1.2), and for primary masses ranging from 0.1 to
2.0 M!. Note however that the match is somewhat less good
for planets around low mass stars (below 0.3 M!). For !D =
0, " = 0.8 also provides a good match, whereas for !D = 2,

larger values of " are required (around 1.3), but the match is
significantly less good, in particular for high mass stars.

3.3. Close-in planets

Hot Jupiters are the most easily detected planets by radial veloc-
ity surveys. However, while around 10$ 20% of planets discov-
ered around stars less massive than % 1.5M! are Hot Jupiters,
all planets discovered around more massive stars are located at
larger distances (greater than % 0.5 AU), and none of them are of
the Hot Jupiters class(see e.g. Wright et al. 2009). This lack of
Hot Jupiters is striking since these planets are the most easily de-
tected ones, and one cannot explain this lack by an observational
bias.

It has been proposed in di!erent papers that this lack of hot
planets around massive stars could be the result of the shorter
lifetimes of disks around massive stars (see e.g. Currie 2009). In
order to test this hypothesis, we have recalculated the theoretical
planet population around 2.0 M! stars, assuming that the distri-
bution of disk lifetime is the same as around solar mass stars.
Fig. 5 shows the comparison between the two populations. As
already stated e.g. in Johnson et al. (2007), assuming that disk
lifetime are similar around 2.0 M! stars and solar mass stars,
predicts a large number of hot planets which a large fraction of
them detectable. On the other hand, assuming that the lifetime
of disks orbiting 2.0 M! stars is 30 % shorter (following the
Mdisk & M$1/2

star suggested by Kennedy & Kenyon 2009 for high
mass stars) results in a planet population without hot planets and
very few below 0.5 AU.

This e!ect of the disk lifetime results from a reduced migra-
tion. Indeed, planet migration occurs in three regimes (see paper
I for details): low mass planets migrate in type I, whereas higher
mass planets migrate in type II, which itself can be subdivided
in two regimes. When the mass of the planet is low compared to
the local disk mass, type II migration is given by the disk viscous
evolution (disk dominated type II migration). However, when the
planet mass becomes comparable to the local disk mass, type II
migration is reduced and the planet slows down and eventually
stops (planet dominated type II migration).

Planets grow to larger masses, and more rapidly, around high
mass stars (see previous section). On the other hand, disks evolve
more rapidly around the same stars. These two e!ects tend to
hasten the transition to planet dominated type II migration, and
result in a reduced total migration extent. It is interesting to
note that this reduction of the migration extent occurs de-
spite higher mass stars are surrounded by higher mass disks,
which, for a given planet mass, lead to more e!cient migra-
tion in type I and type II disk dominate regimes.

Note finally that for !D = 2 and Mstar = 2.0M!, a
large number of warm super-Jupiter planet are predicted
by the model (see Fig. 3), even when the disk lifetime is
reduced aroung these stars compared to solar mass stars.
These planet are not detected by present day RV surveys,
and therefore, such a value of !D is excluded in the frame-
work of our model.

3.4. Detection rate and properties of observed planets

Comparing the diagrams for 0.5 M!, 1.0 M! and 2.0M! stars in
Fig, 1, 2 and 3, the number of observable gas giant planets is
lower for 0.5M! stars and higher around 2.0M! stars, compared
to solar type stars. For the 30000 stars considered in every case,
the number of observable planets (with K > 10 m/s and a period
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Table 1. Parameters for the simulations used in the paper (except if
explicitly mentioned).

Feature Values
Type I migration reduction factor fI 0.001
Viscous parameter ! 7 ! 10"3

Initial exponent gas disk !(a, t = 0) -3/2
Rockline included no
Iceline included yes
Outer radius of the computational disk 30
Inner radius of the computational disk 0.1
fD/G,# 0.04

calculations. Indeed, the epoch of embryo formation (the lat-
ter corresponding to the timescale required to form the seed
embryo, see paper I) depends on the Keplerian frequency, as
well as on the distribution of solids. Numerical calculations
show that, for a given solid surface density, the embryo for-
mation timescale is lower around high mass stars. This e!ect
is amplified by the fact that disks around high mass stars
are more massive than around low mass stars. In certain
parts of the disk, solid surface density is higher around low
mass stars (due to the fact that the iceline is located closer
in), which may, locally, speed up the formation of the em-
bryo around low mass stars. However, this concern only a
low number of embryos (those located beyond a low mass
star’s iceline, and before a high mass star’s iceline).

2.2. Parameters and initial conditions

In this paper, we aim at studying in a global framework the for-
mation process of planets around stars of di"erent mass. As a
consequence, we will use for the parameters of the model the
same values as in paper I. Depending upon the scaling of the
disk with the mass of the primary, the disk mass and lifetime
will represent an exception to this rule. In addition, since part of
our work focusses on the frequency of close-in planets predicted
to orbit stars of various masses, we now follow the planetary mi-
gration and growth until the planet crosses the inner boundary
of the protoplanetary disk located at 0.1 AU. This means that
the inner edge of the planet feeding zone, which was located at
aplanet"4RH in paper I and II, is now located at the greater of this
former value, and 0.1 AU. This modification has no e"ect on the
mass growth of planets.

The two key parameters characterizing the formation model
are the ! parameter, entering in the determination of the vis-
cosity, and the type I migration rate parameter fI . As shown in
paper II, population synthesis calculations allow to reproduce
the semi-major axis and mass distributions for single giant plan-
ets orbiting G stars using ! = 7 ! 10"3, and fI = 0.001. Other
parameters of the model are taken from the nominal model of
paper I, and are summarized in table 1, where fD/G,# is the as-
sumed planetesimals to gas ratio in the planet forming region
for a solar metallicity system. We stress that, for simplicity, we
do not take into account here the dependance of star’s metallic-
ity with respect to their mass. Even if M dwarfs are known to be
slightly metal poor, this e"ect is not included in our calculations.
We justify this by noticing the much larger uncertainty existing
on the relationship between disk mass and primary mass.

The determination of the relation between the disk mass and
the central star mass has been the subject of numerous obser-
vational studies. We assume in our model that the two quanti-
ties are linked by a relation of the type Mdisk $ M!D

star. Based on

H! line profiles, Muzerolle et al. (2003), and Natta et al. (2004)
have inferred that the disk accretion rate roughly scales with the
square of the primary mass. We have calculated, using our disk
model, the dependance of this accretion rate, at the inner edge
of our computational disk, and studied the influence of the !D
value. Our calculations show that !D % 1.2 allows to roughly
reproduce the data from Muzerolle et al. (2003) and Natta et al.
(2004). We will then consider this case as our nominal model,
but will also consider the case !D = 0 and 2 in an e"ort to pro-
vide bracketing results. Finally, note that, in order to consider
only gravitationally stable disks, the disk mass is limited to a
tenth of the central star mass, whatever the assumed !D value.

The observational determination of the disk lifetime around
stars of di"erent mass has only been reachable in the recent
years, due to the growing number of observations. By correlat-
ing for di"erent stellar clusters the fraction of stars with infrared
excess with their mass, Kennedy and Kenyon (2009) have shown
that disks orbiting stars more massive than % 1.5M# have shorter
lifetimes. The dependance of disk lifetime is di#cult to obtain
from present day observations, but the data seem to be consis-
tent with a disk lifetime decreasing as M"1/2

star , for Mstar > 1.5M#,
and a disk lifetime independent of the central star mass for less
massive stars. In the following, we adopt this dependency but
consider also a case in which the disk lifetime is independent of
the stellar mass (see section 3.3).

3. Results

3.1. Minimum mass versus semi-major axis diagrams

Fig. 1 to 3 show the predicted mass versus semi-major axis di-
agrams for respectively the nominal model (!D = 1.2), a disk
mass independent of the primary mass (!D = 0), and a disk
mass strongly depending on it (!D = 2). In each of these fig-
ures, the middle and lower panels also show the sub-population
whose induced Doppler semi-amplitude is larger than 10 m/s or
1 m/s, and with a period lower than 5 years3. The mass of the
primary is taken equal to 0.5, 1, and 2.0 M#.

3.2. Theoretical mass function

Two classes of planets are found in our simulations. The first
class, ”cool” planets, are planets that didn’t cross the inner
boundary of our computational disk. The second class, ”hot”
planets, did cross the inner boundary at a certain epoch, and their
formation is not followed after this epoch. Therefore, their fate
is uncertain: they may be accreted by the central star, or may
survive provided a stopping mechanism is at work in the inner
parts of the disk. Hot planets may also grow in mass, thanks to
accretion of gas flowing from the outer parts of the disk toward
the inner regions. Despite this, in our simulations these planets
stay at 0.1 AU and do not increase further their mass.

Fig. 4 gives the planetary initial mass function for three val-
ues of the primary mass (0.5, 1.0 and 2.0 M#) and di"erent
values of !D. Three curves are displayed in each panel, cor-
responding to the full theoretical population, the planets that
can be observed with a 10 m/s and a 1m/s accuracy spectro-
graph (see caption). The planets can be separated in three dif-
ferent classes (corresponding to the three peaks clearly seen for
Mstar = 0.5M#). The first class of planets are low mass plan-
ets (a few Earth masses). Their formation process is very sim-

3 These planets will abusively be named later as ”detectable with a
10 m/s or 1 m/s accuracy spectrograph”
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Fig. 6. Cumulative histograms of minimum mass (left) and semi-major
axis (right) of synthetic and observable planets orbiting high mass stars.
In each case, we only take into account planets whose induced Doppler
semi-amplitude is larger than 30 m/s, and with periods lower than 3
years. Moreover, we exclude planets located at distances lower than 0.1
AU (the internal limit of our computational disk). For synthetic planets
(heavy lines), we use the formation model around 2.0 M! stars, whereas
we have selected planets discovered around stars with mass between
1.8M! and 3.0M!, corresponding to 14 planets (step-like lines). The
three heavy lines are for the formation model around a 2.0M! star, for
!D equal to 1.2 (solid line), 0 (dotted line) and 2 (dashed line). The
thin solid line is for a primary mass of 1.0 M!. The results of statistical
comparison between the di!erent curves is indicated in Table 2.

Fig. 7. Same as Fig. 6, but only considering synthetic planets lower than
25 MJ.

Table 3. Results of Kolmogorov Smirnov tests comparing theoretical
and observed curves presented in Fig. 8.

Mplanet aplanet
Mstar !D KS KS
0.5 1.2 92 % 83 %
0.5 0 74 % 78 %
0.5 2 87% 55 %
1.0 11 % 1 %

observations. Interestingly enough, the !D = 1.2 value was not
chosen by fitting planetary observations (and it is not excluded
that slightly di!erent values of !D would provide better match),
but by comparing disk models and observations.

Owing to the fact that the properties of detectable synthetic
planets around 0.5 and 2.0 M! stars are similar to the observed
ones, we favor our first hypothesis at explaining the increasing
detection rate as a function of the stellar mass: The number of
planetary embryo increases rapidly with the mass of the central
star. This is to be expected since more material is present around
more massive stars (due to the scaling of the disk mass with

Fig. 8. Cumulative histograms of minimum mass (left) and semi-major
axis (right) of synthetic and observable planets around M stars. In each
case, we only take into account planets whose induced Doppler semi-
amplitude is larger than 10 m/s, and with periods lower than 3 years.
Moreover, we exclude planets located at distances lower than 0.1 AU
(the internal limit of our computational disk). For synthetic planets
(heavy lines), we use the formation model around 0.5 M! stars, whereas
we have selected planets discovered around stars with mass between
0.3M! and 0.8M!, corresponding to 12 planets (step-like lines). The
three heavy lines are for the formation model around a 0.5M! star, for
!D equal to 1.2 (solid line), 0 (dotted line) and 2 (dashed line). The
thin solid line is for a primary mass of 1.0 M!. The results of statistical
comparison between the di!erent curves is indicated in Table 3.

primary mass), and since planetary embryos are formed more
rapidly around massive stars.

3.5. Metallicity effect

Fig. 9 illustrates, for di!erent values of the primary mass, the
cumulative metallicity histogram of stars with a planet more
massive than a given mass. For reference, the metallicity of all
stars is also indicated in the same figure. The di!erent e!ects
of metallicity can be measured by the shift between the di!er-
ent curves. In the formation model, the metallicity of the central
star enters only through the value of the planetesimals-to-gas ra-
tio fD/G. The intrinsic di"culties in relating [Fe/H] and fD/G are
discussed in Paper I, and we adopt here the same prescription,
namely [Fe/H]= log( fD/G/ fD/G,!), with fD/G,! = 0.04 whatever
the mass of the primary (see Paper I for the justification of the
fD/G,! adopted value).

From the figure, it is clear that in all cases, a metallicity e!ect
is present. Comparing the three rows of Fig. 9, the metallicity
e!ect also depends on the mass of the disk itself: for !D = 0, the
e!ect is very similar for all the considered stellar masses. On the
other hand, for !D = 1.2 and, more importantly for !D = 2, the
e!ect increases when the mass of the primary decreases. Indeed,
the formation of a planet is in first place sensitive to the total
amount of mass in form of planetesimals, which, in our model,
depends upon the product of the gas surface density (or the gas
disk mass) and of the dust-to-gas ratio, which itself is a growing
function of the metallicity.

For !D = 1.2 and !D = 2, disks are much more massive
around 2.0 M! stars. Therefore, the minimum metallicity re-
quired to form a massive planet is lower than for 1.0 and 0.5
M! stars. On the other hand, for !D = 0, the metallicity e!ect
is similar between the di!erent stellar masses (in particular be-
tween 1.0 and 2.0 M! stars). There still exist a di!erence be-
tween 0.5 M! and more massive stars for gas giants, which re-
sults from a timing issue. In order to form a gas giant, a core
must be assembled rapidly enough. The core formation time
scales with the Keplerian frequency and the amount of planetesi-
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Fig. 6. Cumulative histograms of minimum mass (left) and semi-major
axis (right) of synthetic and observable planets orbiting high mass stars.
In each case, we only take into account planets whose induced Doppler
semi-amplitude is larger than 30 m/s, and with periods lower than 3
years. Moreover, we exclude planets located at distances lower than 0.1
AU (the internal limit of our computational disk). For synthetic planets
(heavy lines), we use the formation model around 2.0 M! stars, whereas
we have selected planets discovered around stars with mass between
1.8M! and 3.0M!, corresponding to 14 planets (step-like lines). The
three heavy lines are for the formation model around a 2.0M! star, for
!D equal to 1.2 (solid line), 0 (dotted line) and 2 (dashed line). The
thin solid line is for a primary mass of 1.0 M!. The results of statistical
comparison between the di!erent curves is indicated in Table 2.

Fig. 7. Same as Fig. 6, but only considering synthetic planets lower than
25 MJ.

Table 3. Results of Kolmogorov Smirnov tests comparing theoretical
and observed curves presented in Fig. 8.

Mplanet aplanet
Mstar !D KS KS
0.5 1.2 92 % 83 %
0.5 0 74 % 78 %
0.5 2 87% 55 %
1.0 11 % 1 %

observations. Interestingly enough, the !D = 1.2 value was not
chosen by fitting planetary observations (and it is not excluded
that slightly di!erent values of !D would provide better match),
but by comparing disk models and observations.

Owing to the fact that the properties of detectable synthetic
planets around 0.5 and 2.0 M! stars are similar to the observed
ones, we favor our first hypothesis at explaining the increasing
detection rate as a function of the stellar mass: The number of
planetary embryo increases rapidly with the mass of the central
star. This is to be expected since more material is present around
more massive stars (due to the scaling of the disk mass with

Fig. 8. Cumulative histograms of minimum mass (left) and semi-major
axis (right) of synthetic and observable planets around M stars. In each
case, we only take into account planets whose induced Doppler semi-
amplitude is larger than 10 m/s, and with periods lower than 3 years.
Moreover, we exclude planets located at distances lower than 0.1 AU
(the internal limit of our computational disk). For synthetic planets
(heavy lines), we use the formation model around 0.5 M! stars, whereas
we have selected planets discovered around stars with mass between
0.3M! and 0.8M!, corresponding to 12 planets (step-like lines). The
three heavy lines are for the formation model around a 0.5M! star, for
!D equal to 1.2 (solid line), 0 (dotted line) and 2 (dashed line). The
thin solid line is for a primary mass of 1.0 M!. The results of statistical
comparison between the di!erent curves is indicated in Table 3.

primary mass), and since planetary embryos are formed more
rapidly around massive stars.

3.5. Metallicity effect

Fig. 9 illustrates, for di!erent values of the primary mass, the
cumulative metallicity histogram of stars with a planet more
massive than a given mass. For reference, the metallicity of all
stars is also indicated in the same figure. The di!erent e!ects
of metallicity can be measured by the shift between the di!er-
ent curves. In the formation model, the metallicity of the central
star enters only through the value of the planetesimals-to-gas ra-
tio fD/G. The intrinsic di"culties in relating [Fe/H] and fD/G are
discussed in Paper I, and we adopt here the same prescription,
namely [Fe/H]= log( fD/G/ fD/G,!), with fD/G,! = 0.04 whatever
the mass of the primary (see Paper I for the justification of the
fD/G,! adopted value).

From the figure, it is clear that in all cases, a metallicity e!ect
is present. Comparing the three rows of Fig. 9, the metallicity
e!ect also depends on the mass of the disk itself: for !D = 0, the
e!ect is very similar for all the considered stellar masses. On the
other hand, for !D = 1.2 and, more importantly for !D = 2, the
e!ect increases when the mass of the primary decreases. Indeed,
the formation of a planet is in first place sensitive to the total
amount of mass in form of planetesimals, which, in our model,
depends upon the product of the gas surface density (or the gas
disk mass) and of the dust-to-gas ratio, which itself is a growing
function of the metallicity.

For !D = 1.2 and !D = 2, disks are much more massive
around 2.0 M! stars. Therefore, the minimum metallicity re-
quired to form a massive planet is lower than for 1.0 and 0.5
M! stars. On the other hand, for !D = 0, the metallicity e!ect
is similar between the di!erent stellar masses (in particular be-
tween 1.0 and 2.0 M! stars). There still exist a di!erence be-
tween 0.5 M! and more massive stars for gas giants, which re-
sults from a timing issue. In order to form a gas giant, a core
must be assembled rapidly enough. The core formation time
scales with the Keplerian frequency and the amount of planetesi-
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Fig. 6. Cumulative histograms of minimum mass (left) and semi-major
axis (right) of synthetic and observable planets orbiting high mass stars.
In each case, we only take into account planets whose induced Doppler
semi-amplitude is larger than 30 m/s, and with periods lower than 3
years. Moreover, we exclude planets located at distances lower than 0.1
AU (the internal limit of our computational disk). For synthetic planets
(heavy lines), we use the formation model around 2.0 M! stars, whereas
we have selected planets discovered around stars with mass between
1.8M! and 3.0M!, corresponding to 14 planets (step-like lines). The
three heavy lines are for the formation model around a 2.0M! star, for
!D equal to 1.2 (solid line), 0 (dotted line) and 2 (dashed line). The
thin solid line is for a primary mass of 1.0 M!. The results of statistical
comparison between the di!erent curves is indicated in Table 2.

Fig. 7. Same as Fig. 6, but only considering synthetic planets lower than
25 MJ.

Table 3. Results of Kolmogorov Smirnov tests comparing theoretical
and observed curves presented in Fig. 8.

Mplanet aplanet
Mstar !D KS KS
0.5 1.2 92 % 83 %
0.5 0 74 % 78 %
0.5 2 87% 55 %
1.0 11 % 1 %

observations. Interestingly enough, the !D = 1.2 value was not
chosen by fitting planetary observations (and it is not excluded
that slightly di!erent values of !D would provide better match),
but by comparing disk models and observations.

Owing to the fact that the properties of detectable synthetic
planets around 0.5 and 2.0 M! stars are similar to the observed
ones, we favor our first hypothesis at explaining the increasing
detection rate as a function of the stellar mass: The number of
planetary embryo increases rapidly with the mass of the central
star. This is to be expected since more material is present around
more massive stars (due to the scaling of the disk mass with

Fig. 8. Cumulative histograms of minimum mass (left) and semi-major
axis (right) of synthetic and observable planets around M stars. In each
case, we only take into account planets whose induced Doppler semi-
amplitude is larger than 10 m/s, and with periods lower than 3 years.
Moreover, we exclude planets located at distances lower than 0.1 AU
(the internal limit of our computational disk). For synthetic planets
(heavy lines), we use the formation model around 0.5 M! stars, whereas
we have selected planets discovered around stars with mass between
0.3M! and 0.8M!, corresponding to 12 planets (step-like lines). The
three heavy lines are for the formation model around a 0.5M! star, for
!D equal to 1.2 (solid line), 0 (dotted line) and 2 (dashed line). The
thin solid line is for a primary mass of 1.0 M!. The results of statistical
comparison between the di!erent curves is indicated in Table 3.

primary mass), and since planetary embryos are formed more
rapidly around massive stars.

3.5. Metallicity effect

Fig. 9 illustrates, for di!erent values of the primary mass, the
cumulative metallicity histogram of stars with a planet more
massive than a given mass. For reference, the metallicity of all
stars is also indicated in the same figure. The di!erent e!ects
of metallicity can be measured by the shift between the di!er-
ent curves. In the formation model, the metallicity of the central
star enters only through the value of the planetesimals-to-gas ra-
tio fD/G. The intrinsic di"culties in relating [Fe/H] and fD/G are
discussed in Paper I, and we adopt here the same prescription,
namely [Fe/H]= log( fD/G/ fD/G,!), with fD/G,! = 0.04 whatever
the mass of the primary (see Paper I for the justification of the
fD/G,! adopted value).

From the figure, it is clear that in all cases, a metallicity e!ect
is present. Comparing the three rows of Fig. 9, the metallicity
e!ect also depends on the mass of the disk itself: for !D = 0, the
e!ect is very similar for all the considered stellar masses. On the
other hand, for !D = 1.2 and, more importantly for !D = 2, the
e!ect increases when the mass of the primary decreases. Indeed,
the formation of a planet is in first place sensitive to the total
amount of mass in form of planetesimals, which, in our model,
depends upon the product of the gas surface density (or the gas
disk mass) and of the dust-to-gas ratio, which itself is a growing
function of the metallicity.

For !D = 1.2 and !D = 2, disks are much more massive
around 2.0 M! stars. Therefore, the minimum metallicity re-
quired to form a massive planet is lower than for 1.0 and 0.5
M! stars. On the other hand, for !D = 0, the metallicity e!ect
is similar between the di!erent stellar masses (in particular be-
tween 1.0 and 2.0 M! stars). There still exist a di!erence be-
tween 0.5 M! and more massive stars for gas giants, which re-
sults from a timing issue. In order to form a gas giant, a core
must be assembled rapidly enough. The core formation time
scales with the Keplerian frequency and the amount of planetesi-
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Fig. 5. Histogram of final semi-major axis for observable synthetic plan-
ets around 2.0 M! stars, assuming a 10 m/s accuracy spectrograph.
Dotted line: disk lifetime are similar as around solar type stars, solid
line: the disk lifetime is 30% shorter. In each case, 9000 formation mod-
els have been calculated. The number of observable planets is 424 and
621 respectively for the solid and dotted lines.

lower than 5 years) are respectively of the order of 500-600, 900
and 800-1600 for the three values of the primary mass consid-
ered here, and for the di!erent values of !D.

We have compared the fraction of detectable planets for the
di!erent cases considered here, with the detection rate of plan-
ets around di!erent type of stars. Considering only planets more
massive than five times Jupiter, and located between 0.5 and 2.5
AU from the central star, Lovis and Mayor (2007) concluded
that the detection rate is 5 times higher around A stars (5 plan-
ets meeting the criterion), compared to FGK stars (14 planets).
In the case of M stars, no such planets have been detected.
However, it should be noted that their sample included stars
much more massive than 2.0 M!. Recently, Bowler et al. (2009)
have shown that the detection rate of similar planets around in-
termediate stars is between 1.8 and 7 times higher than around
solar type stars.

We have compared the detection rate in our model for the
0.5, 1.0 M! and 2.0 M! cases, adopting as ”detectable planets”,
the same criterion as in Lovis and Mayor (2007). This ratio (rel-
ative to 1.0 M! planets) varies with the assumed !D value, going
from 1 to 0.3 (for 0.5 M! stars), and 1 to 3 (for 2.0 M! stars), for
!D going from 0 to 2. The ratio seems therefore to be compatible
with the two aforementioned papers only for large values of !D.
However, as pointed our in Sect. 3.3, this latter value of !D leads
to large numbers of close-in massive planets around 2.0 M! stars
which are not observed.

The di!erence between the observed and theoretical de-
tection rate could have two origins: either the absolute num-
ber of planet formed in the model is too low, or the predicted
masses (resp. semi-major axis) are too low (resp. too large).
It should be reminded that our calculations assume that ev-
ery star+disk system harbors one, and only one, embryo. It
is clear that in reality, more that one planet is likely to grow

Table 2. Results of Kolmogorov Smirnov tests comparing theoretical
and observed curves presented in Fig. 6, for the distribution of planetary
mass (Mplanet) and planetary semi-major axis (aplanet). For the third and
fourth columns, we consider all synthetic planets in the comparison,
whereas, for the two last columns, only synthetic planets less massive
than 25 MJ are used for the comparison (see text for details).

Mplanet aplanet Mplanet aplanet
Mstar !D all masses all masses M < 25MJ M < 25MJ
2.0 1.2 45 % 59 % 67 % 76 %
2.0 0 18 % 36 % 10 % 49 %
2.0 2 3 % 0.05 % 36 % 0.2 %
1.0 0.2 % 0.2 % 0.2 % 0.3 %

in each system, and moreover, the mean number of growing
planets around a given star is likely to depend on the cen-
tral star mass. It is therefore di"cult to compare the abso-
lute rates of detectable planets predicted by our model with
actual ones directly.

In order to infer the origin of the di!erences between the
observed and theoretical detection rates, we have compared the
mass and semi-major axis of observed and synthetic detectable
planets orbiting 0.5 and 2.0 M! stars. We recall that these quanti-
ties were shown to be similar in the case of 1.0 M! stars (see pa-
per II). Fig. 6 and 8 show the cumulative histograms of minimum
masses and semi-major axis of observed and synthetic planets.
In each case, we only take into account planets whose induced
Doppler semi-amplitude is larger than a given value indicated in
the caption and with period lower than 3 years. Finally, we have
selected planets meeting the same criterion from the Extrasolar
planet encyclopaedia (http://exoplanet.eu/) as of December 1,
2009. As a comparison, we provide on the same figures the
results for the nominal model around 1.0 M! stars. From the
figure as well as from the statistical tests presented in Table
2 and Table 3, it is clear that the models calculated for solar
type stars (and indeed reproducing the properties of planets
around solar type stars, see paper II) fail at reproducing the
characteristics of the observed population orbiting M or A
stars.

For the case of 2.0M! stars, the masses and semi-major axis
in the nominal case (!D = 1.2) are similar to their observational
counterparts, with some di!erences: the predicted semi-major
axis are slightly lower, and the model predicts a too large frac-
tion of very massive planets. However, we note that only planets
less massive than 25MJ are included in the Extrasolar planet en-
cyclopedia CHRISTOPH: Do we have a reference for this, or
maybe a reference of a planet more massive than 25 Mjup,
that is not included in the encyclopaedia because it is con-
sidered as a brown dwarf?. Therefore, it is di"cult to compare
models and observations in the very massive planets domain.
If one excludes such massive planets from the models, the fit
between observations and models is slightly better (see Fig. 7
and Table 2). Finally, comparing the results for the three values
of !D, we see that the nominal case provides the best fit to the
models.

In the case of M stars, the minimum mass is well reproduced
whatever the value of !D, the result for the semi-major axis be-
ing slightly less good, in particular for !D = 2. The main di!er-
ence occurs for planets at distances larger than 0.5 AU, whose
semi-major axis are underestimated in the model. The results
are much lower comparing 1.0 M! models with the same ob-
servations (see Table 8). Finally, note that both for 2.0 M! and
0.5 M! models, the nominal !D value provides the best fits to
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Fig. 5. Histogram of final semi-major axis for observable synthetic plan-
ets around 2.0 M! stars, assuming a 10 m/s accuracy spectrograph.
Dotted line: disk lifetime are similar as around solar type stars, solid
line: the disk lifetime is 30% shorter. In each case, 9000 formation mod-
els have been calculated. The number of observable planets is 424 and
621 respectively for the solid and dotted lines.

lower than 5 years) are respectively of the order of 500-600, 900
and 800-1600 for the three values of the primary mass consid-
ered here, and for the di!erent values of !D.

We have compared the fraction of detectable planets for the
di!erent cases considered here, with the detection rate of plan-
ets around di!erent type of stars. Considering only planets more
massive than five times Jupiter, and located between 0.5 and 2.5
AU from the central star, Lovis and Mayor (2007) concluded
that the detection rate is 5 times higher around A stars (5 plan-
ets meeting the criterion), compared to FGK stars (14 planets).
In the case of M stars, no such planets have been detected.
However, it should be noted that their sample included stars
much more massive than 2.0 M!. Recently, Bowler et al. (2009)
have shown that the detection rate of similar planets around in-
termediate stars is between 1.8 and 7 times higher than around
solar type stars.

We have compared the detection rate in our model for the
0.5, 1.0 M! and 2.0 M! cases, adopting as ”detectable planets”,
the same criterion as in Lovis and Mayor (2007). This ratio (rel-
ative to 1.0 M! planets) varies with the assumed !D value, going
from 1 to 0.3 (for 0.5 M! stars), and 1 to 3 (for 2.0 M! stars), for
!D going from 0 to 2. The ratio seems therefore to be compatible
with the two aforementioned papers only for large values of !D.
However, as pointed our in Sect. 3.3, this latter value of !D leads
to large numbers of close-in massive planets around 2.0 M! stars
which are not observed.

The di!erence between the observed and theoretical de-
tection rate could have two origins: either the absolute num-
ber of planet formed in the model is too low, or the predicted
masses (resp. semi-major axis) are too low (resp. too large).
It should be reminded that our calculations assume that ev-
ery star+disk system harbors one, and only one, embryo. It
is clear that in reality, more that one planet is likely to grow

Table 2. Results of Kolmogorov Smirnov tests comparing theoretical
and observed curves presented in Fig. 6, for the distribution of planetary
mass (Mplanet) and planetary semi-major axis (aplanet). For the third and
fourth columns, we consider all synthetic planets in the comparison,
whereas, for the two last columns, only synthetic planets less massive
than 25 MJ are used for the comparison (see text for details).

Mplanet aplanet Mplanet aplanet
Mstar !D all masses all masses M < 25MJ M < 25MJ
2.0 1.2 45 % 59 % 67 % 76 %
2.0 0 18 % 36 % 10 % 49 %
2.0 2 3 % 0.05 % 36 % 0.2 %
1.0 0.2 % 0.2 % 0.2 % 0.3 %

in each system, and moreover, the mean number of growing
planets around a given star is likely to depend on the cen-
tral star mass. It is therefore di"cult to compare the abso-
lute rates of detectable planets predicted by our model with
actual ones directly.

In order to infer the origin of the di!erences between the
observed and theoretical detection rates, we have compared the
mass and semi-major axis of observed and synthetic detectable
planets orbiting 0.5 and 2.0 M! stars. We recall that these quanti-
ties were shown to be similar in the case of 1.0 M! stars (see pa-
per II). Fig. 6 and 8 show the cumulative histograms of minimum
masses and semi-major axis of observed and synthetic planets.
In each case, we only take into account planets whose induced
Doppler semi-amplitude is larger than a given value indicated in
the caption and with period lower than 3 years. Finally, we have
selected planets meeting the same criterion from the Extrasolar
planet encyclopaedia (http://exoplanet.eu/) as of December 1,
2009. As a comparison, we provide on the same figures the
results for the nominal model around 1.0 M! stars. From the
figure as well as from the statistical tests presented in Table
2 and Table 3, it is clear that the models calculated for solar
type stars (and indeed reproducing the properties of planets
around solar type stars, see paper II) fail at reproducing the
characteristics of the observed population orbiting M or A
stars.

For the case of 2.0M! stars, the masses and semi-major axis
in the nominal case (!D = 1.2) are similar to their observational
counterparts, with some di!erences: the predicted semi-major
axis are slightly lower, and the model predicts a too large frac-
tion of very massive planets. However, we note that only planets
less massive than 25MJ are included in the Extrasolar planet en-
cyclopedia CHRISTOPH: Do we have a reference for this, or
maybe a reference of a planet more massive than 25 Mjup,
that is not included in the encyclopaedia because it is con-
sidered as a brown dwarf?. Therefore, it is di"cult to compare
models and observations in the very massive planets domain.
If one excludes such massive planets from the models, the fit
between observations and models is slightly better (see Fig. 7
and Table 2). Finally, comparing the results for the three values
of !D, we see that the nominal case provides the best fit to the
models.

In the case of M stars, the minimum mass is well reproduced
whatever the value of !D, the result for the semi-major axis be-
ing slightly less good, in particular for !D = 2. The main di!er-
ence occurs for planets at distances larger than 0.5 AU, whose
semi-major axis are underestimated in the model. The results
are much lower comparing 1.0 M! models with the same ob-
servations (see Table 8). Finally, note that both for 2.0 M! and
0.5 M! models, the nominal !D value provides the best fits to
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Table 1. Parameters for the simulations used in the paper (except if
explicitly mentioned).

Feature Values
Type I migration reduction factor fI 0.001
Viscous parameter ! 7 ! 10"3

Initial exponent gas disk !(a, t = 0) -3/2
Rockline included no
Iceline included yes
Outer radius of the computational disk 30
Inner radius of the computational disk 0.1
fD/G,# 0.04

calculations. Indeed, the epoch of embryo formation (the lat-
ter corresponding to the timescale required to form the seed
embryo, see paper I) depends on the Keplerian frequency, as
well as on the distribution of solids. Numerical calculations
show that, for a given solid surface density, the embryo for-
mation timescale is lower around high mass stars. This e!ect
is amplified by the fact that disks around high mass stars
are more massive than around low mass stars. In certain
parts of the disk, solid surface density is higher around low
mass stars (due to the fact that the iceline is located closer
in), which may, locally, speed up the formation of the em-
bryo around low mass stars. However, this concern only a
low number of embryos (those located beyond a low mass
star’s iceline, and before a high mass star’s iceline).

2.2. Parameters and initial conditions

In this paper, we aim at studying in a global framework the for-
mation process of planets around stars of di"erent mass. As a
consequence, we will use for the parameters of the model the
same values as in paper I. Depending upon the scaling of the
disk with the mass of the primary, the disk mass and lifetime
will represent an exception to this rule. In addition, since part of
our work focusses on the frequency of close-in planets predicted
to orbit stars of various masses, we now follow the planetary mi-
gration and growth until the planet crosses the inner boundary
of the protoplanetary disk located at 0.1 AU. This means that
the inner edge of the planet feeding zone, which was located at
aplanet"4RH in paper I and II, is now located at the greater of this
former value, and 0.1 AU. This modification has no e"ect on the
mass growth of planets.

The two key parameters characterizing the formation model
are the ! parameter, entering in the determination of the vis-
cosity, and the type I migration rate parameter fI . As shown in
paper II, population synthesis calculations allow to reproduce
the semi-major axis and mass distributions for single giant plan-
ets orbiting G stars using ! = 7 ! 10"3, and fI = 0.001. Other
parameters of the model are taken from the nominal model of
paper I, and are summarized in table 1, where fD/G,# is the as-
sumed planetesimals to gas ratio in the planet forming region
for a solar metallicity system. We stress that, for simplicity, we
do not take into account here the dependance of star’s metallic-
ity with respect to their mass. Even if M dwarfs are known to be
slightly metal poor, this e"ect is not included in our calculations.
We justify this by noticing the much larger uncertainty existing
on the relationship between disk mass and primary mass.

The determination of the relation between the disk mass and
the central star mass has been the subject of numerous obser-
vational studies. We assume in our model that the two quanti-
ties are linked by a relation of the type Mdisk $ M!D

star. Based on

H! line profiles, Muzerolle et al. (2003), and Natta et al. (2004)
have inferred that the disk accretion rate roughly scales with the
square of the primary mass. We have calculated, using our disk
model, the dependance of this accretion rate, at the inner edge
of our computational disk, and studied the influence of the !D
value. Our calculations show that !D % 1.2 allows to roughly
reproduce the data from Muzerolle et al. (2003) and Natta et al.
(2004). We will then consider this case as our nominal model,
but will also consider the case !D = 0 and 2 in an e"ort to pro-
vide bracketing results. Finally, note that, in order to consider
only gravitationally stable disks, the disk mass is limited to a
tenth of the central star mass, whatever the assumed !D value.

The observational determination of the disk lifetime around
stars of di"erent mass has only been reachable in the recent
years, due to the growing number of observations. By correlat-
ing for di"erent stellar clusters the fraction of stars with infrared
excess with their mass, Kennedy and Kenyon (2009) have shown
that disks orbiting stars more massive than % 1.5M# have shorter
lifetimes. The dependance of disk lifetime is di#cult to obtain
from present day observations, but the data seem to be consis-
tent with a disk lifetime decreasing as M"1/2

star , for Mstar > 1.5M#,
and a disk lifetime independent of the central star mass for less
massive stars. In the following, we adopt this dependency but
consider also a case in which the disk lifetime is independent of
the stellar mass (see section 3.3).

3. Results

3.1. Minimum mass versus semi-major axis diagrams

Fig. 1 to 3 show the predicted mass versus semi-major axis di-
agrams for respectively the nominal model (!D = 1.2), a disk
mass independent of the primary mass (!D = 0), and a disk
mass strongly depending on it (!D = 2). In each of these fig-
ures, the middle and lower panels also show the sub-population
whose induced Doppler semi-amplitude is larger than 10 m/s or
1 m/s, and with a period lower than 5 years3. The mass of the
primary is taken equal to 0.5, 1, and 2.0 M#.

3.2. Theoretical mass function

Two classes of planets are found in our simulations. The first
class, ”cool” planets, are planets that didn’t cross the inner
boundary of our computational disk. The second class, ”hot”
planets, did cross the inner boundary at a certain epoch, and their
formation is not followed after this epoch. Therefore, their fate
is uncertain: they may be accreted by the central star, or may
survive provided a stopping mechanism is at work in the inner
parts of the disk. Hot planets may also grow in mass, thanks to
accretion of gas flowing from the outer parts of the disk toward
the inner regions. Despite this, in our simulations these planets
stay at 0.1 AU and do not increase further their mass.

Fig. 4 gives the planetary initial mass function for three val-
ues of the primary mass (0.5, 1.0 and 2.0 M#) and di"erent
values of !D. Three curves are displayed in each panel, cor-
responding to the full theoretical population, the planets that
can be observed with a 10 m/s and a 1m/s accuracy spectro-
graph (see caption). The planets can be separated in three dif-
ferent classes (corresponding to the three peaks clearly seen for
Mstar = 0.5M#). The first class of planets are low mass plan-
ets (a few Earth masses). Their formation process is very sim-

3 These planets will abusively be named later as ”detectable with a
10 m/s or 1 m/s accuracy spectrograph”
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Fig. 1.—Shown are the photometric time series, corrected for gray and color-
dependent extinction, for 1999 September 9 and 16 plotted as a function of
time from . The rms of the time series at the beginning of the night onTc
September 9 is roughly 4 mmag. The increased scatter in the September 16
data relative to the September 9 data is due to the shorter exposure times. The
data from September 16 are offset by !0.05 relative to those from Septem-
ber 9.

Fig. 2.—Shown are the data from Fig. 1 binned into 5 m averages, phased
according to our best-fit orbit, plotted as a function of time from . The rmsTc
variation at the beginning of the time series is roughly 1.5 mmag, and this
precision is maintained throughout the duration of the transit. The increased
scatter at the end of the time series is due to increasing air mass which occurred
at roughly the same time for both transits, since the two occurred very nearly
1 week apart. The solid line is the transit shape that would occur for our best-
fit model, , . The lower and upper dashed lines are theR = 1.27 R i = 87!.1p Jup

transit curves that would occur for a planet 10% larger and smaller in radius,
respectively. The rapid initial fall and final rise of the transit curve correspond
to the times between first and second and between third and fourth contacts,
when the planet is crossing the edge of the star; the resulting slope is a function
of the finite size of the planet, the impact parameter of the transit, and the
limb darkening of the star. The central curved portion of the transit is the time
between second and third contacts, when the planet is entirely in front of the
star.

M99. The important elements were the orbital period P and
the time of maximum radial velocity of the star Tmax. For this
Letter, we have analyzed four nights of data; two of these
(August 29 and September 13) occur off transit and establish
the nonvariability of the star, while two (September 9 and 16)
encompass the time of transit. We produced calibrated images
by subtracting a master bias and dividing by a master flat.
Sixteen images from September 16 were averaged to produce
a master image. We used DAOPHOT II (Stetson 1994) to pro-
duce a master star list from this image, retaining the 823 bright-
est stars. For each time series image, we then estimated a co-
ordinate transformation, which allowed for a linear shift dx and
dy. We then applied this coordinate transformation to the master
star list and carried out aperture photometry for all the images.
For each star, a standard magnitude was defined from the result
of the aperture photometry on the master image. We corrected
for atmospheric extinction using a color-dependent extinction
estimate derived from the magnitudes of the 20 brightest stars
in the field (excluding HD 209458 and two obviously variable
stars). For two of the nights of data (August 29 and September
13), the residuals for HD 209458 are consistent with no var-
iation. However, on the other nights (September 9 and 16), we
can see a conspicuous dimming of the star for a time of several
hours. These residuals are shown in Figure 1. The root mean
square (rms) variation in the resulting time series at the be-
ginning of the night of September 9 is 4 mmag; the dominant
source of noise for these bright stars is atmospheric scintillation.

3. ANALYSIS OF LIGHT CURVE

3.1. Orbital Parameters

As presented in M99, the derived orbital parameters from
the combined radial velocity observations are P = 3.52447 "
0.00029 days and Tmax = 2,451,370.048 " 0.014 HJD.
Since we observed two transits, it is possible to estimate

independently both a period and the time at the center of the
transit, , for the orbit. To derive the period, we phased theTc
data to an assumed value of P in a range surrounding 3.5 days
and interpolated the data from the first transit onto the grid of

observation times for the later transit. The weighted sum of
the square of the difference was calculated as a function of
assumed period, resulting in a clear minimum and a well-
defined error. We find the orbital period to be P = 3.5250"

days, consistent with but less precise than the value0.003
determined from the radial velocity observations. As discussed
in M99, the best-fit value of the mass for this star is M =s

M,; assuming this value, we determine the semimajor axis1.1
to be AU.a = 0.0467
We used the data from the earlier transit, which was the

more precisely observed, to determine Tc. For each assumed
value of Tc, we folded the light curve about Tc and calculated
the weighted sum of the square of the difference between
the two halves of the folded curve. We find that T =c

HJD. This value is consistent with2,451,430.8227" 0.003
but is much more tightly constrained than the value deter-
mined from the radial velocity observations.
Projecting the errors in P from the radial velocity obser-

vations and Tc from the photometry observations, the time of
transit can be calculated with a precision of better than half an
hour for the next 6 months.

3.2. Interpretation of the Transit Curve

For the purpose of interpreting the light curve, we binned
the residuals from both transits into 5 minute time bins ac-
cording to the orbit derived above. The time series rms of these
binned data is 1.5 mmag throughout the time span covered by
the observations, with an increase to larger scatter roughly
1 hr after the point of last contact due to the increasing air
mass. These binned data are plotted in Figure 2.
Five parameters participate in determining the precise shape



• old ( > 3 Gyr)
• 0.024 L⊙

• M2.5 V
• 10.2 pc 

GJ 436
• 0.44 M⊙

• [Fe/H] ∼ 0 

Chapter 7

Publication III:
Bulk composition of the transiting hot
Neptune around GJ 436

GJ 436 (HIP 57087) is a quiet, old (> 3 Gyr) M2.5 V star at a small distance of 10.2 pc from
the sun. It has an absolute visual magnitude of 10.6 mag and is a typical field M dwarf on the
main sequence. Its mass is estimated to 0.44± 0.04 M!, the luminosity to L = 0.024± 0.004
L!, and it has approximately a solar metallicity (Butler et al., 2004; Maness et al., 2007;
Gillon et al., 2007b; Bonfils et al., 2005).

GJ 436 has a planetary companion with a mass of about 23 M" (1.3 times the mass of
Neptune), orbiting the star with a period of just 2.6 days, corresponding to a semimajor axis
of 0.0278 AU. The orbit has a nonzero eccentricity (e = 0.16 ± 0.02), which is an interesting
result for such a close companion. This planet was detected by radial velocity measurements
by Butler et al. (2004), and was at the time of discovery the smallest exoplanet known, and
only the second planetary system found around a M type star. These authors also observed
the star photometrically, but did not detect a transit.

Gillon et al. (2007b) in contrast, first by using a small telescope mainly intended for
outreach activities and later the Swiss Euler telescope in La Silla found that the planet is in
fact transiting the host star (fig. 7.1).L14 M. Gillon et al.: Detection of transits of the nearby hot Neptune GJ 436 b

Fig. 1. OFXB (black) and Wise (red: 1 m, green: 46 cm) photome-
try phase-folded using the ephemerids and period presented in Maness
et al. (2007).

2.1. OFXB 0.6 m telescope

The OFXB is a small observatory located in St.-Luc,
Switzerland, mostly devoted to outreach activities. The telescope
is a Newton 0.60 m reflector providing a f /3.5 focal ratio. The
CCD camera is an Apogee AP47p, equipped with a Marconi 47-
10 back-illuminated chip, providing a 20!"20! field of view. This
equipment has demonstrated its potential in exoplanet research
by its participation in the characterisation of the transiting planet
WASP-2b (Cameron et al. 2007). GJ 436 was monitored dur-
ing 8 nights over 18 days between April 2nd and April 20th 2007
for a total of 1108 useful exposures. We scheduled our obser-
vations according to the transit windows expected from radial-
velocity data, plus some short sequences at random phases to
assess the photometric stability of the target. We observed in the
V-band and defocused to reach 60 s exposure time, a good trade-
o! between time sampling and scintillation mitigation (Gilliland
& Brown 1992).

After a standard bias, dark and flatfield correction, all im-
ages were reduced with the IRAF/DAOPHOT aperture photom-
etry software (Stetson 1987), adapting the reduction parameters
to the FWHM of each image. Di!erential photometry was then
performed using the flux of nearby stars for which a significant
variability could be rejected. The rms of the OFXB photome-
try varies from 1.7 to 6 mmag over the di!erent nights. These
changes are imputable to di!erences in weather condition. No
stellar variability is seen in phase with the orbital period, a point
already quoted in B04. Two clear transit-like events are present
in April 2nd and 10th light curves, at the phase expected from
the Doppler data.

2.2. Wise 1 m and 0.46 m telescopes

To secure our tentative detection, we observed GJ 436 at the
Wise Observatory (Israel) on April 24th with two telescopes –
1 m and 0.46 m – simultaneously. We observed in the R-band
with the 1 m, and used no filter for the 0.46 m. The reduction
procedure was the same as above. Despite cloudy conditions,
we managed to reach a precision high enough to clearly detect a
transit egress at the expected phase with both instruments.

Figure 1 presents the OFXB and Wise photometry phase-
folded using the ephemerides and period presented in M07. A
clear transit-like event is visible at phase #0.007.

2.3. Euler 1.2 m telescope

OFXB and Wise data together confirm the transiting status of
GJ 436 b, but do not have high enough quality to firmly constrain
the transit parameters. We gathered further observations from the
Euler 1.2 m telescope located at La Silla Observatory (Chile).

Fig. 2. Euler V-band transit photometry. The best-fit transit curve is su-
perimposed in red.

Observations occured in photometric conditions on May 2nd
during 5 h, encompassing the whole transit window at high air-
mass (1.8$2.1). The same strategy as the one used at OFXB
was applied at Euler during this night (V-band filter, 80 s ex-
posure time, defocus to #9!!) resulting in a very accurate pho-
tometric time series, as can be seen in Fig. 2. The reduction
procedure was the same as above. The rms outside the transit
is #1.2 mmag, while the expected deviation, taking into account
scintillation and photon noise from the target and the reference
stars, is #1 mmag.

3. Parameters of the planet GJ 436 b

The lightcurves clearly indicate an almost grazing transit, since
its duration is about two times shorter than for a central tran-
sit in front of a M2.5V star. The flux drop during the transit is
only 0.6%. These two factors probably explain the non-detection
by B04 (these authors state that their data exclude a central tran-
sit deeper than 0.4%).

Since the Euler lightcurve is of a much superior quality than
the others, and covers the whole transit, we use only these data
for the determination of the parameters. We fitted a transit pro-
file to the Euler data using the Mandel & Agol (2002) algorithm,
the orbital elements in M07, and the quadratic limb darkening
coe"cients of Claret (2000) for Te! = 3500 K, log g = 4.5, and
[Fe/H] = 0.0 in the V filter. The mass of the parent star was
adopted as M = 0.44 ± 0.04 M% (see discussion in M07). For
main-sequence field M dwarfs of such low mass, the mass-radius
relation is very tight. Observational constraints from M dwarfs
interferometry (see Ribas et al. 2006, and references therein) in-
dicate M/M% & R/R% to within a few percent, and we use this
mass-radius relation to set the primary radius. The models of
Bara!e et al. (1998) for ages between 1 and 10 Gyr would in-
dicate radius values 0.02 R% lower. On the other hand, the ap-
plication of the radius calibration from infrared luminosity and
temperature by Kervella et al. (2004) indicates a higher value
near R = 0.50 R%. We thus adopt M = R = 0.44 ± 0.04 in solar
units for the lightcurve fit. The remaining free parameters are the
transit central epoch, the radius ratio and the orbital inclination.

The results of the fit are given in Table 1. The planet crosses
the host star disc near its limb (impact parameter 0.84 ± 0.03).
The determination of the orbital inclination lifts the sin i de-
generacy on the planet’s mass from the radial velocity orbit,
so that Mpl = 22.6 ± 1.9 M'. Our best solution gives a radius
of Rpl = 25 200 ± 2200 km (3.95 ± 0.35 R') for the planet.
The uncertainty is mainly due to that on the mass and radius
of the primary, while the formal uncertainties due to the photon
noise of the lightcurve are very small. However, correlated sys-
tematics can cause much larger errors on the transit parameters
(e.g. Pont et al. 2006). Changing the reference stars in the Euler

Figure 7.1: Photometric V band transit measurement of GJ 436 b obtained with the Euler telescope. The
best-fit transit curve is shown in red. Figure from Gillon et al. (2007b).

Gillon et al. 2007

• M = 23 M⊕  (1.3 MNept)
• R = 4.2 R⊕   (1.1 RNept)
• ρ = 1.7 g/cm3  (ρNept=1.6 g/cm3)
• a = 0.03  AU
• e = 0.16

Butler et al. 2004,
Gillon et al. 2007

Mass fract. Neptune GJ 436 b

Rock &
Iron

25% 45-70%

Ices 60-70% 17-40%

H-He 5-15% 10-20%

Synt. planets compatible with both  
observed mass and radius 

and also a<0.1 AU

Figueira et al. 2008

Individual object: GJ 436b

•Reproduced also statistically:
Many outcomes similar to GJ 436b

•Migration through inner system
 ➞ More rocks than Neptune

•Break partially composition degeneracy



Transiting planets and metallicity

Observations & internal structure models 
suggest a possible correlation between 
metallicity and  heavy element content of 
transiting Hot Jupiters (Guillot et al. 2006, 
Burrows et al. 2007).

The formation model shows a similar  
correlation between stellar metallicity and 
heavy element mass for Hot Jupiters.

low MZ planets 
can exist around 
high Fe/H stars

Mstar=1 Msun nominal model a < 0.1 AU
planets with M>40MEarth

Mstar=1 Msun nominal model a < 0.1 AU
all planets

Detection bias:
- low MZ planets orbiting high Fe/H stars
  are low mass planets...

Blue Points: Structure models for observed transiting Hot Jupiters (Guillot et al. 2006)
Black points: Synthetic planets inside a<0.1 AU (Mordasini et al. 2009b)    
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Fig. 1. Fig. 1 Left a ! M diagram of the synthetic full population. Planets to the left of the dashed line have migrated so close to the star that their
feeding zone touches the inner edge of the computational disk at 0.1 AU. Right Subset of detectable synthetic planets (" 9%). The sharp cuto! at
about 5 AU corresponds to the assumed 10 year duration of the observational campaign. Actual planets are shown by large blue dots. MCME: as
expected absence of low mcore-high menv and high mcore-low menve. very roughly scales as menve/mearth =0.001 (Mcore/mearht)**3, but very
large spread around.gives envelope of possible Mxy/Mz coming from formation. those outside: other mechanisms. giant impacts. for lower mass
planets: loss of primordial envelope, possible formation of secondary. see the heavy element rich object around ???. impacts already suggested.

according to the ratio of the envelope mass Menv to the mass of
heavy elements Mheavy.

Fig. 2. Mass-Distance diagram showing the basic internal composition
of about 5 000 exemplary synthetic planets of the nominal population at
the end of the formation process. Colors give the ratio of the envelope
mass to the mass of heavy elements: Planets withMenv/Mheavy < 0.1 are
black, red for 0.1 # Menv/Mheavy < 1, green for 1 # Menv/Mheavy < 10
and blue for Menv/Mheavy > 10. The symbols give the fraction of rocky
or icy planetesimals that have been accreted: Filled circles are planets
having accreted only rocky planetesimals, filled squares indicate a rock
fraction > 0.5, opened squares a fraction of icy material > 0.5, and
finally open circles depict planets that have accreted icy planetesimals
only. Mixed cases occur when a planet crosses the iceline during its
formation.

It is recalled that in the simplified formation code used for
the Monte Carlo simulations, we assume that all planetesimals
can directly reach the core and do not calculate if they get
thermally ablated or disrupted by aerodynamical fragmentation
when they penetrate into the denser parts of the planetary en-
velope ?, ?. For 10 to 100 km planetesimals, this becomes very
important for Menv ! 0.1 ! 1M$ ?. Even thought that formally
we therefore get the core masses of the planets, we should iden-
tify this quantity rather with the total amount of heavy elements
accreted in form of planetesimals rather than the real core mass.

Aside from the mentioned planetesimals destruction in mas-
sive envelopes (reduction of Mcore), also other mechanisms in-
fluence the repartition of heavy elements in the planet like first
the sedimentation of solid material from the envelope (increas-
ing Mcore), second core erosion (which would lead to a decrease)
and third giant impacts in late phases, which would lead again to

an increase, see ?. It should also be noted that additional heavy
elements can be added in form of remaining small dust grains
still well mixed with the accreted gas.

In fig. ?? the symbol of a planet depends on the fraction of
icy or rocky planetesimals it has accreted. Icy material is itself
assumed to contain 75% ice and 25 % rock.

2.1. Mheavy and Menv

In the plot, the colors show a clear stratification in terms of
Menv/Mheavy, with the gas richest planets at the highest masses,
as expected. The stratification is approximately horizontal inside
about 2-3 AU. Outside, the mass of heavy elements in a planet
of given total mass increases with increasing semimajor axis.
The reason for this change is likely due to the di!erent dominat-
ing formation tracks of giant planets inside respectively outside
such a distance. Inside, as shown in Paper I, “main clump” gi-
ant planets to-be first pass through the “horizontal branch”where
they collect solids. Outside, “outer group” giant planets to-be get
supercritical for gas runaway accretion in situ. As can be seen
in the prototypical formation tracks in Paper I, planets of the
“main clump” accrete most solids while their envelope structure
still gets calculated. In contrast, “outer group” planets accrete
most solids when their gas accretion rate is equal the disk lim-
ited value, so that no structure of the envelope is calculated any
more. But the envelope structure would in fact be necessary to
determine the capture radius of the planet, which in turn enters in
the calculation of the solid accretion rate (eq. ??). Instead, an ex-
trapolation must be used when no structure is calculated, where
it is assumed that the capture radius is simply proportional to the
core radius. This is a highly uncertain setting, so that the amount
of heavy elements in the “outer group” planets is uncertain, too,
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•at moment disk goes away
•comparison with individual objects
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Fig. 1. Fig. 1 Left a ! M diagram of the synthetic full population. Planets to the left of the dashed line have migrated so close to the star that their
feeding zone touches the inner edge of the computational disk at 0.1 AU. Right Subset of detectable synthetic planets (" 9%). The sharp cuto! at
about 5 AU corresponds to the assumed 10 year duration of the observational campaign. Actual planets are shown by large blue dots. MCME: as
expected absence of low mcore-high menv and high mcore-low menve. very roughly scales as menve/mearth =0.001 (Mcore/mearht)**3, but very
large spread around.gives envelope of possible Mxy/Mz coming from formation. those outside: other mechanisms. giant impacts. for lower mass
planets: loss of primordial envelope, possible formation of secondary. see the heavy element rich object around ???. impacts already suggested.

according to the ratio of the envelope mass Menv to the mass of
heavy elements Mheavy.

Fig. 2. Mass-Distance diagram showing the basic internal composition
of about 5 000 exemplary synthetic planets of the nominal population at
the end of the formation process. Colors give the ratio of the envelope
mass to the mass of heavy elements: Planets withMenv/Mheavy < 0.1 are
black, red for 0.1 # Menv/Mheavy < 1, green for 1 # Menv/Mheavy < 10
and blue for Menv/Mheavy > 10. The symbols give the fraction of rocky
or icy planetesimals that have been accreted: Filled circles are planets
having accreted only rocky planetesimals, filled squares indicate a rock
fraction > 0.5, opened squares a fraction of icy material > 0.5, and
finally open circles depict planets that have accreted icy planetesimals
only. Mixed cases occur when a planet crosses the iceline during its
formation.

It is recalled that in the simplified formation code used for
the Monte Carlo simulations, we assume that all planetesimals
can directly reach the core and do not calculate if they get
thermally ablated or disrupted by aerodynamical fragmentation
when they penetrate into the denser parts of the planetary en-
velope ?, ?. For 10 to 100 km planetesimals, this becomes very
important for Menv ! 0.1 ! 1M$ ?. Even thought that formally
we therefore get the core masses of the planets, we should iden-
tify this quantity rather with the total amount of heavy elements
accreted in form of planetesimals rather than the real core mass.

Aside from the mentioned planetesimals destruction in mas-
sive envelopes (reduction of Mcore), also other mechanisms in-
fluence the repartition of heavy elements in the planet like first
the sedimentation of solid material from the envelope (increas-
ing Mcore), second core erosion (which would lead to a decrease)
and third giant impacts in late phases, which would lead again to

an increase, see ?. It should also be noted that additional heavy
elements can be added in form of remaining small dust grains
still well mixed with the accreted gas.

In fig. ?? the symbol of a planet depends on the fraction of
icy or rocky planetesimals it has accreted. Icy material is itself
assumed to contain 75% ice and 25 % rock.

2.1. Mheavy and Menv

In the plot, the colors show a clear stratification in terms of
Menv/Mheavy, with the gas richest planets at the highest masses,
as expected. The stratification is approximately horizontal inside
about 2-3 AU. Outside, the mass of heavy elements in a planet
of given total mass increases with increasing semimajor axis.
The reason for this change is likely due to the di!erent dominat-
ing formation tracks of giant planets inside respectively outside
such a distance. Inside, as shown in Paper I, “main clump” gi-
ant planets to-be first pass through the “horizontal branch”where
they collect solids. Outside, “outer group” giant planets to-be get
supercritical for gas runaway accretion in situ. As can be seen
in the prototypical formation tracks in Paper I, planets of the
“main clump” accrete most solids while their envelope structure
still gets calculated. In contrast, “outer group” planets accrete
most solids when their gas accretion rate is equal the disk lim-
ited value, so that no structure of the envelope is calculated any
more. But the envelope structure would in fact be necessary to
determine the capture radius of the planet, which in turn enters in
the calculation of the solid accretion rate (eq. ??). Instead, an ex-
trapolation must be used when no structure is calculated, where
it is assumed that the capture radius is simply proportional to the
core radius. This is a highly uncertain setting, so that the amount
of heavy elements in the “outer group” planets is uncertain, too,
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Other methods: Microlensing

Detection of cold failed cores: cross-
checking results in a completely different 
a-M space than used to calibrate model 

parameters.

122 Arnaud Cassan, Takahiro Sumi, Daniel Kubas

Figure 2. PLANET detection e!ciency from the 2004 season (preliminary diagram), as a
function of planet mass and orbital separation. The crosses are the detected planets with their
parameter error bars.

more than ten years of observations (Cassan et al. 2008). The Fig. 2 shows a prelimi-
nary planet detection e!ciency diagram, computed from well-covered events of the 2004
season.

4. Summary and prospects
Microlensing has proven to be a robust method to search for extrasolar planets at large

separations from their parent stars (! 1" 10 AU). It is sensitive to masses down to the
mass of the Earth using ground based telescopes and even capable to detect planets of a
few fractions of Earth masses when considering space-based telescope scenarios.

Microlensing is also very well-suited for statistical studies on planet abundance in the
Galaxy. In fact, the method is by essence not limited to our close solar neighborhood or
to a particular type of host stars.
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Other methods: Direct imaging
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Jupiter @ 4.6 Gyr     
Mtotal: 303 Mearth       
Mheavy: 36 Mearth
R:      1.11 RJ
L(int): 1.17 LJ
T:      129 K 
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Direct imaging

 ★ Estimate detection probabilities  

& science return

★ Analyze the impact of instrument design

★ Optimize measurement strategy & target 

     selection

Instruments like SPHERE can provide 
new constraint on formation models:
• Outward migration?
• Ejection probabilities?
• Direct grav. collapse model?

Example synthetic observational bias for direct 
imaging (Bonavita, Desidera & Gratton 2008) 
together with synthetic planets.detectable

Outlook 149

ing certain input parameters. It is unfortunately not di!cult to introduce an inconsistency.
This could be improved by using a kind of “master script” which generates all files in a con-
sistent, automatic way.

8.2.2 Other detection biases

To finish this section, two preliminary examples are shown how the synthetic population can
be coupled to other detection biases than the one of Doppler spectroscopy. Apart from the two
examples shown here (direct imaging and microlensing), work has also been done for the transit
technique. In this case, one must calculate planetary radii, given the internal composition of a
synthetic planet, as shown in Paper III. A certain complication is that transit photometry has,
due to geometrical reasons, a very strong bias towards the detection of planets on very tight
orbits (“hot” planets). Unfortunately, it is exactly this region which is particularly di!cult
to describe theoretically in terms of an accurate disk model. Also evaporation over long
timescales can be important for “hot” planets. By comparing the potential energy of a planet
with the energy received from the incoming stellar flux it is however possible to estimate if
evaporation is important in a particular case (Lecavelier Des Etangs, 2007).

Direct imaging

In fig. 8.2 the nominal synthetic population of G type stars (Paper I and II) is shown together
with an exemplary synthetic detection bias for direct imaging, taken from Bonavita et al.
(2008). Similar to the conversion of mass (respectively the internal composition) into radii for
transit photometry, one must here convert mass into luminosity, which is time dependent. In
the calculations shown here, the mass-luminosity relations of Bara"e et al. (2003) were used.

Figure 8.2: Mass-distance plot of the nominal synthetic population (Paper I and II), together with an
exemplary synthetic detection limits for direct imaging. The planets inside the hatched blue area can be
detected (adapted from Bonavita et al. (2008)). Only about a dozen massive “outer group” planets can be
detected, corresponding to a detection rate of ! 0.02 %.
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