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•  Overview	  of	  microphysical	  aspects	  of	  	  
NS-‐NS	  and	  NS-‐BH	  mergers.	  

•  Nuclear	  EOS	  and	  how	  to	  include	  it	  in	  your	  simula_ons.	  

•  Neutrinos	  and	  how	  to	  include	  them	  in	  your	  simula_ons.	  

•  Some	  results	  of	  BH-‐NS	  simula_ons	  with	  nuclear	  EOS	  and	  
neutrinos	  with	  the	  Simula_ng	  eXtreme	  Space_mes	  (SXS)	  	  
code	  SpEC.	  
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3	  C.	  D.	  O*	  @	  KITP	  2012/07/31	  

Nuclear	  Equa=on	  of	  State	  (EOS)	  
Neutrinos/Neutrino	  Interac=ons	   Nuclear	  Reac=ons	  &	  Opaci=es	  

Crust	  Physics	  &	  Superfluidity	  (SF)	  

EOS	  
Crust/SF	  

EOS	   EOS	  
Neutrinos	   Neutrinos	   Neutrinos	  

EOS	  

Neutrinos	  
Nuclear	   Nuclear	   Nuclear	  see	  Gail	  McLaughlin’s	  talk	  
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Figure 1. Left panel: mass–radius relation for our sequence of stellar models,
demonstrating consistency with the observational constraints of Demorest et al.
(2010) (upper dashed horizontal line) and Steiner et al. (2010) (gray region).
Right panel: the Love number k2 (upper curve) as a function of the stellar
compactness M/R; cf. the fluid results in Figure 1 of Hinderer et al. (2010).
We also show the relative influence of the crust on the tidal deformability,
represented by ∆k2/kfluid

2 (lower curve); cf. the results of Penner et al. (2011).
The compactness of the 1.4 M! model considered in Figure 2 is indicated by a
vertical dashed line.

4. RESULTS

We have generalized the numerical framework of Penner et al.
(2011) to allow for realistic equations of state for both the crust
and the star’s core. We present results for stellar models that
combine the Akmal et al. (1998) equation of state for the core
fluid with the results of Douchin & Haensel (2001) in the crust.
These models are state of the art for this problem, but it should
be noted that we have not accounted for the (likely) presence
of nuclear pasta in the inner crust. An extended pasta region
could have significant impact on the results, but we do not yet
have a sufficiently detailed equation of state representing this
possibility.

The chosen core equation of state is sufficiently stiff to satisfy
constraints from observations (cf. the left panel of Figure 1).
It allows for neutron star masses at least as large as 2 M!, in
agreement with the observed 1.97 M! mass of PSR J1614−2230
(Demorest et al. 2010). It also satisfies the radius constraint
from X-ray burst sources, i.e., that a star with mass of 1.4 M!
should have a radius in the range 11–12 km (Steiner et al. 2010).
The elastic properties of the crust do not affect the equilibrium
configurations since we assume the star is relaxed at large binary
separations.

Given this equilibrium configuration, we have calculated both
the Love number k2 and the fractional difference ∆k2/kfluid

2 =
(kcrust

2 − kfluid
2 )/kfluid

2 between the Love numbers for an elastic
star and the equivalent purely fluid star, cf. Penner et al.
(2011). The results are shown in the right panel of Figure 1.
They can be compared to, first of all, the fluid star results of
Hinderer et al. (2010) and second the results of Penner et al.
(2011) for the magnitude of the crust effects. Based on these
comparisons, the present results are not surprising. The order
of magnitude difference in the result compared to Penner et al.
(2011) arises from the more complex structure of the shear
modulus (leading to non-trivial changes in the various fluid and
metric perturbations) in the realistic models considered here.

We have also evaluated the von Mises stress associated with
the tidal perturbation. By comparing the result to the anticipated
breaking strain ubreak ≈ 0.1 (Horowitz & Kadau 2009), we
can infer when different parts of the crust fail during binary
inspiral. A typical result is shown in Figure 2, providing the
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Figure 2. Gravitational-wave frequency (in Hz) at failure for different locations
in the crust of a 1.4 M! neutron star. The result, which is obtained by comparing
the von Mises strain to the breaking strain of Horowitz & Kadau (2009),
corresponds to an equal-mass binary. The vertical line near 11.15 km indicates
the location of neutron drip in the star.

gravitational-wave frequency at failure throughout the crust for
a 1.4 M! star (in an equal-mass binary). The result is not trivial,
owing to the nonlinear combination of quantities that enter the
von Mises stress, but it reflects the expectation that the tidal
stretching/squeezing is strongest at the equator and the poles.

The large variation in the crustal strain implies that failure will
occur at different stages during inspiral. From Figure 2 we see
that the outer crust (roughly up to neutron drip, corresponding
to r ≈ 11.15 km in Figure 2) fails fairly uniformly when
fGW ≈ 200 Hz. Meanwhile, failure of the bulk of the inner
crust requires fGW ≈ 600–800 Hz, a factor of two or so below
the ISCO frequency (see Equation (10)). However, there are
also macroscopic regions in the inner crust that will not fail
before merger. These results improve upon the estimates from
Section 2, showing the rich structure of the realistic calculation,
with failure occurring at different stages at different depths.

5. IMPLICATIONS

What happens when the crust fails? Again, key insights are
provided by the molecular dynamics simulations of Horowitz &
Kadau (2009). The indications are that when the critical strain
is reached, there is a catastrophic failure, with energy released
throughout the strained volume, rather than the formation of
a lower-dimensionality crack. What happens next is less clear.
Two extreme scenarios can be envisaged: the relieved strain
is dissipated locally as heat, or, the strain is converted into
phonons/seismic waves and transported throughout the star
prior to dissipation. An interesting question is whether the
relieved strain is capable of melting the crust. From the estimates
in Section 2 we see that the strain energy may be at the level of
1046 erg. However, it is easy to argue that even the release of this
level of energy will not have a significant impact on the crust.
To demonstrate this, let us consider the extreme case where all
strain energy is being dissipated locally.

Ignoring the temperature dependence of the shear modu-
lus (which would be irrelevant for typical neutron star tem-
peratures), the crust melts when Γ ! 173, where (Farouki &
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Figure 3. Various relevant temperatures as functions of baryon number density
nb throughout the crust. The upper curve is the crustal melting temperature,
the lower curve the temperature to which the crust would be heated by local
dissipation of strain energy into heat, demonstrating that the crust does not
melt during inspiral. We also show two models for the neutron (singlet) critical
temperature (corresponding to models a (solid) and c (dashed) of Andersson
et al. 2005), showing that the local heating is insufficient to break superfluidity.
The vertical line indicates the location of neutron drip.

Hamaguchi 1993)

Γ = Z2e2

a

1
kBT

. (18)

Here, e is the electron charge, Z is the charge per ion, and
a = (3/4πni)1/3, with ni the ion number density, is the average
ion spacing. For a typical temperature of 108 K, we have Γ ∼ 104

in the inner crust (where Z ≈ 50 and the number of nucleons
per ion, A, is several hundred).

We want to compare the melting temperature from
Equation (18) to the temperature reached after releasing the
tidal strain. For this we need the shear modulus, which is ap-
proximated by (Strohmayer et al. 1991)

µ̌ ≈ 0.1ni

Z2e2

a
. (19)

The energy per unit volume corresponding to a strain u is then

Estrain ≈ 10−2µ̌
( u

0.1

)2
. (20)

We can turn this into a temperature via the heat capacity,
Tstrain ≈ Estrain/cv , making use of the estimate of the heat
capacity of ions from van Riper (1991); Cv = cv/ni = αkB

where α is of order unity (for 108 K we have α ≈ 5). Thus, we
see that the released heat will melt the crust if

u ! 0.5
(α

5

)1/2
. (21)

This exceeds the breaking strain estimates of Horowitz & Kadau
(2009), indicating that the crust does not melt during binary
inspiral, even if all the strain energy goes into local heating.
Note that our estimates do not include quantum corrections to
the heat capacity, cf. Chabrier (1993), because these effects are
relatively unimportant at the temperature considered.

A more detailed calculation leads to the results in Figure 3,
which compares the melting temperature to that reached after

releasing the strain locally. We also compare to the critical
temperature for (singlet) neutron superfluidity. The message
from this comparison is clear; the heat released when the crust
fails is not sufficient to break the superfluid pairing either.
This implies that a realistic treatment of neutron star binary
inspiral should allow for superfluidity and crust elasticity prior
to coalescence.

The crust may not melt, but we are still releasing a significant
amount of energy when the crust fails. Could this have observ-
able consequences? Given the anticipated importance of neutron
star binary mergers for future gravitational-wave observations,
and the likely association of such events with short gamma-ray
bursts, a precursor signal would undoubtedly be interesting. Ob-
servational evidence for such precursors was recently discussed
by Troja et al. (2010). However, the heating of the crust should
be irrelevant in this respect. The results in Figure 3 show that the
outer crust does not heat significantly. The inner crust heats up,
but the associated heat would not diffuse to the surface before
the binary merges (see Blaes et al. 1989 for discussion). The
possibility that the energy is released into seismic waves that
generate Alfvén waves in the magnetosphere, eventually lead-
ing to a gamma-ray signal, is more interesting (again, see Blaes
et al. 1989). In principle, such an event could be as energetic
as the largest observed magnetar flare (the 2004 December 27
event in SGR 1806-20; Palmer et al. 2005), assuming that the
entire strain energy is transferred to the magnetosphere. Such a
signal could possibly be observable from a distance of 100 Mpc.
The corresponding gravitational-wave signal would be comfort-
ably detectable by the advanced LIGO/Virgo detector network.
However, according to the rate estimates of Abadie et al. (2010)
there is likely to be only of order one such event per year of
observation. According to our results, the most energetic failure
event would precede the merger itself by a fraction of a second.
Observations of such precursors would obviously be tremen-
dously interesting, but it seems clear from our analysis that they
would have to be associated with rather unique events.

Finally, it remains to consider the impact on the gravitational-
wave signal. The smallness of the effect of the elastic crust on the
tidal distortion (right panel of Figure 1) suggests that it would
require an unfeasibly high signal-to-noise observation for the
crustal elasticity to be apparent, especially given that finite-size
effects themselves are likely to be only borderline detectable
by the next generation interferometers (Hinderer et al. 2010).
However, as we have shown, even at large separations, portions
of the crust will fail with the volume of crust pushed into failure
steadily increasing as the inspiral proceeds. Kochanek (1992)
suggested that this may lead to anomalous frictional damping,
which may have a relevant secular effect on the phasing. A
proper analysis would take the strain field presented here as its
starting point, but would incorporate a more realistic treatment
of crust failure, going beyond the simple breaking strain criterion
to allow for a regime of plastic deformation and dissipation.
An accurate study of this effect is clearly needed to assess its
significance for gravitational-wave searches. This would be an
important but non-trivial extension of the present work.

A.J.P. acknowledges support from a VESF fellowship. N.A.,
I.H., and D.I.J. acknowledge support from STFC. L.S. is
supported by the ERC under contract No. 204059-QPQV, and
the Swedish Research Council under contract No. 2007-4422.
We acknowledge support from CompStar (an ESF Research
Networking Programme).
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Penner+	  ’12	  

Penner+	  ’12	  

crust	  mel_ng	  	  
curve	  

Tc	  for	  models	  	  
of	  n	  superfluid	  

	  	  	  T	  ader	  
inspiral	  

•  Crust	  will	  not	  melt/fail	  completely	  during	  inspiral,	  but	  may	  fracture	  
(Tsang+	  ’12	  -‐>	  see	  poster,	  Penner+	  ’12).	  Superfluidity	  will	  persist.	  

•  Crust:	  Influence	  on	  _dal	  deformability	  (Love	  number)	  very	  small.	  
•  Superfluid	  n,	  superconduc_ng	  p:	  influence	  on	  EOS	  small,	  but	  
important	  for	  crust-‐core	  coupling,	  pulsa_ons,	  neutrino	  interac_ons.	  

fGW	  



•  Nuclear	  sta_s_cal	  equilibrium	  (NSE)	  at	  T	  >	  0.5	  MeV	  (~5x109	  K).	  
Helmholtz	  Free	  Energy	  F=F(ρ,T,Ye)	  
•  Nucleons,	  alphas,	  average	  nucleus,	  	  
electrons,	  photons.	  
•  Near	  nuclear	  density:	  
EOS	  “s_ffens”	  due	  to	  repulsive	  
core	  of	  nuclear	  force	  poten_al.	  
•  P∝T2	  above	  ρnuc	  (relevant	  if	  T≫1	  MeV).	  
Complicated	  ∝	  T,	  T2,	  T4	  at	  low	  ρ.	  

Hot	  Microphysical	  Equa=on	  of	  State	  
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O’Connor	  &	  O*	  ‘10	  version	  of	  
Shen+	  EOS	  (‘98,’11)	  

(more	  details	  in	  Sanjay	  Reddy’s	  talk	  tomorrow)	  



Temperature	  Dependence	  of	  NS	  Mmax	  
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Hot	  Microphysical	  Equa=on	  of	  State	  
•  Nuclear	  sta_s_cal	  equilibrium	  (NSE)	  at	  T	  >	  0.5	  MeV	  (~5x109	  K).	  
Helmholtz	  Free	  Energy	  F=F(ρ,T,Ye)	  
•  Nucleons,	  nuclei,	  electrons,	  
photons.	  
•  Near	  nuclear	  density:	  
EOS	  “s_ffens”	  due	  to	  repulsive	  
core	  of	  nuclear	  force	  poten_al.	  
•  P∝T2	  above	  ρnuc	  	  (relevant:	  T≫1	  MeV).	  
Complicated	  ∝	  T,	  T2,	  T4	  at	  low	  ρ.	  
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O’Connor	  &	  O*	  ‘10	  version	  of	  
Shen+	  EOS	  (‘98,’11)	  

Why	  is	  a	  hot	  microphysical	  EOS	  important?	  
v NS	  structure/radius,	  _dal	  deformability	  (<-‐	  can	  also	  get	  this	  from	  cold	  EOS)	  
v  Structure,	  dynamics,	  &	  survival	  of	  merged	  object	  or	  delay	  to	  BH	  forma_on.	  
v  Thermal	  support	  of	  envelope/disk,	  disk	  mass.	  	  
v  Composi_on,	  chemical	  poten_als	  (-‐>	  neutrinos).	  

(more	  details	  in	  Sanjay	  Reddy’s	  talk	  tomorrow)	  



Constraints	  on	  the	  
Nuclear	  EOS	  
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•  Most	  solid	  if	  binary	  inclina_on	  
constrained	  by	  Shapiro	  delay.	  

•  J1614-‐2230	  	  
Demorest	  et	  al.	  2010:	  	  
1.97	  +/-‐	  0.04	  MSun	  

Maximum	  NS	  Mass:	  
Jim	  Lagmer	  

Demorest	  et	  al.	  2010	  



Constraints	  on	  the	  Nuclear	  EOS	  (3)	  
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•  NS	  Radius	  Constraints	  from	  Type-‐1	  X-‐Ray	  Burst	  Observa_ons	  +	  
Bayesian	  inference	  model:	  Steiner,	  Laxmer,	  Brown	  ‘10;	  Özel	  et	  al.	  ‘10	  

Warning:	  
Hard	  to	  quan=fy	  
systema=c	  uncertain=es!	  

credit:	  Tony	  Piro	  
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Constraints	  on	  the	  Nuclear	  EOS	  (4)	  

10	  

•  Applica_on	  to	  available	  microphysical	  finite-‐temperature	  EOS:	  
Figure	  by	  	  Evan	  O’Connor	  

Laxmer&	  
Swesty	  ‘90	  

H.	  Shen+	  ’98,’11	  

G.	  Shen+	  ’11ab	  

Hempel+	  ‘12	  

Steiner+	  ‘12	  (theory)	  
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P = [K⇢�]i + (�th � 1)⇢✏

Cold	  nuclear	  EOS:	  
Or:	  piecewise-‐polytropic	  fit	  +	  thermal	  component:	   Read+	  ‘09	  

P = P
cold

(⇢) + (�
th

� 1)⇢✏

Shibata+	  ’05,	  Shibata	  &	  Taniguchi	  ’06,	  Kiuchi+	  ’09,	  Baiox+	  ’10,	  Hotokezaka+	  ’11,	  
Thierfelder+	  ’11,	  Kyutoku+’11,	  Bauswein	  ’10,	  ‘12ab,	  ...	  

Problem:	  No	  composi=onal	  informa=on.	  	  
	  	  
	  No	  good	  way	  to	  include	  neutrinos.	  

	  
	  Outcome	  quite	  sensi=ve	  to	  choice	  of	  Γth	  
	  (Bauswein+	  ‘10).	  
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P = [K⇢�]i + (�th � 1)⇢✏

Cold	  nuclear	  EOS:	  
Or:	  piecewise-‐polytropic	  fit	  +	  thermal	  component:	  

P = P
cold

(⇢) + (�
th

� 1)⇢✏

The	  Real	  Thing:	   P = P (⇢, T, Ye)
Pioneered	  by:	  Ruffert+	  ‘96,	  ’97,	  Rosswog+	  ‘99,’00,	  Ruffert	  &	  Janka	  ‘01,	  Rosswog	  &	  Davies	  ‘02,	  
Rosswog	  &	  Ramirez-‐Ruiz	  ‘02,	  Rosswog	  &	  Liebendörfer	  ’03,	  Rosswog+	  ‘04,‘05ab,	  Oechslin+	  
‘06,’07ab,	  Bauswein+	  ‘10,	  Bauswein+	  ‘12ab,	  Duez+	  ‘10,	  Sekiguchi+	  ’11,	  ’12,	  Rosswog+	  ’12,	  ...	  

Read+	  ‘09	  
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P = [K⇢�]i + (�th � 1)⇢✏

Cold	  nuclear	  EOS:	  
Or:	  piecewise-‐polytropic	  fit	  +	  thermal	  component:	  

P = P
cold

(⇢) + (�
th

� 1)⇢✏

The	  Real	  Thing:	   P = P (⇢, T, Ye)

v Get	  nuclear	  EOS	  table;	  add	  electrons/positrons	  &	  photons.	  
v Ensure	  correct	  zero	  point	  of	  specific	  internal	  energy	  for	  GR	  calcula_ons.	  
v Code	  efficient	  interpolator	  (linear	  interpola_on	  +	  dense	  EOS	  table).	  

v Test	  for	  thermodynamic	  consistency.	  
v  Inversion	  rou_ne	  (Newton-‐Raphson/Bisec_on):	  ε	  -‐>	  T.	  

v Solve	  advec_on	  equa_on	  for	  Ye.	  Set	  up	  NSs	  in	  neutrinoless	  β	  equilibrium.	  
v Handle	  non-‐NSE	  regime	  (approximately	  or	  fully	  consistently).	  

Necessary	  steps:	  

Read+	  ‘09	  



Open-‐Source	  EOS	  Rou=nes	  and	  Tables	  
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h*ps://www.stellarcollapse.org/equa_onofstate	  
	   (described	  in	  O’Connor	  &	  O(	  ’10)	  

•  EOSMaker:	  Fortran	  90	  rou_nes	  that	  take	  raw	  nuclear	  EOS	  table	  and	  
generate	  complete	  EOS	  table	  in	  HDF5	  format.	  

•  EOSDriver:	  Fortran	  90	  reader/interpolator	  rou_nes	  that	  return	  
thermodynamic	  variables	  for	  calls	  with	  (ρ,T,Ye),	  (ρ,e,Ye),	  and	  (ρ,s,Ye).	  

•  C	  &	  GPU-‐enabled	  versions	  in	  prepara_on.	  
•  Included	  in	  the	  Einstein	  Toolkit	  (h*p://einsteintoolkit.org).	  
•  Pre-‐made	  EOS	  tables	  for	  the	  following	  EOS:	  
LS180,	  LS220,	  LS375,	  HShen	  (2011),	  GShen,	  Hempel+	  and	  (new!)	  SFH*.	  

Open-‐source	  EOS	  driver	  rou=nes	  and	  EOS	  tables:	  
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h*ps://www.stellarcollapse.org/equa_onofstate	  
	   (described	  in	  O’Connor	  &	  O(	  ’10)	  
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Neutrino	  Interac=ons	  in	  NS-‐NS	  &	  NS-‐BH	  Mergers	  
•  Charged-‐current	  and	  neutral-‐current	  interac_ons;	  may	  deal	  with	  	  
three	  neutrino	  “species”:	  
•  	  Relevant	  interac_ons:	  	  
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e.g.,	  Ruffert+	  ’96,	  Rosswog	  &	  Liebendörfer	  ‘03,	  Burrows+	  ’06	  

-‐>	  Neutrino	  emission	  becomes	  strong	  only	  at	  merger!	  

Open-‐source	  implementa_on	  
of	  interac_on	  rates:	  nulib.org	  
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νν̄-annihilation. We analyze how the neutrino distribution and
the resulting νν̄-annihilation are influenced by GR effects, the
geometry and the properties of the neutrinosphere, and the mass
and spin of the central BH. To this end, we examine the most
likely configurations occurring in compact astrophysical sys-
tems: spherical neutrinospheres present in NSs, and thin disks
and thick tori surrounding stellar-mass BHs. We explicitly re-
mark that the absolute values of the neutrino luminosity and of
the energy-momentum deposition rate by νν̄-annihilation do not
play an important role for the discussion in this paper. Due to
the simplicity of the neutrino source models considered here, our
numbers for these quantities should not be interpreted quantita-
tively. They sensitively depend on the location and temperature
of the neutrinospheres, which must be expected to be different in
detailed hydrodynamic simulations that include some treatment
of the neutrino transport. However, for the purpose of compar-
ing the different effects, on which this paper focuses, only the
relative changes of the neutrino luminosity and νν̄-annihilation
matter.

The paper is organized as follows: in Sect. 2 we discuss the
theoretical fundamentals for calculating the νν̄-annihilation rate
in a given Kerr spacetime, and how we construct equilibrium
accretion tori surrounding Kerr BHs. In Sect. 3 we give a de-
scription of the numerical implementation of the ray-tracing al-
gorithm used to calculate the annihilation rate. The results of our
parameter study are discussed in Sect. 4, and the conclusions
of our work are presented in Sect. 5. Finally, technical details
concerning the calculation of the annihilation rate are given in
Appendix A, and convergence tests performed on our ray-tracing
algorithm are presented in Appendix B.

2. Theoretical fundamentals

Unless stated otherwise, we use geometrized units throughout
this paper, so that c = G = 1, where c is the speed of light
in vacuum and G is Newton’s gravitational constant. Greek and
Roman indices denote spacetime components (0–3) and spatial
components (1–3) of 4-vectors, respectively. The signature of
the metric is chosen to be (+,−,−,−), and 3-vectors are denoted
by a bar above the respective symbol, e.g. Ā.

2.1. Calculation of the annihilation rate

In order to compute the deposition of 4-momentum Qαi (t, x̄) by
the annihilation of neutrinos and antineutrinos of flavor i with
i ∈ {e, µ, τ} into e+e−-pairs at a spatial point x̄ per unit of time
and unit of volume, we follow a formalism very close to that of
Miller et al. (2003).

In flat spacetime the local annihilation rate is computed from
the Lorentz invariant neutrino and antineutrino phase space dis-
tribution functions fνi = fνi (t, x̄, p̄) and fν̄i = fν̄i (t, x̄, p̄′) (for
their exact definition see Appendix A) by the following integral

Qαi =
∫

d3 pd3 p′Aαi
(
p̄, p̄′

)
fνi fν̄i , (1)

where the Aαi are functions defined in Appendix A. They are
based on a covariant generalization of the expressions given in
Ruffert et al. (1997). Note that although we are concerned only
with time-independent models here, we include the argument t
in the distribution functions fνi and fν̄i for the sake of generality.
In the following we omit the indices of f .

Except for minor redefinitions Eq. (1) can also be used in
curved spacetimes (Miller et al. 2003), because the annihila-
tion process, which is a microphysical phenomenon, happens so

x

Fig. 1. Ray-tracing of neutrinos in a Kerr BH spacetime. At every
point x̄ where the annihilation rate is to be calculated, geodesics (red
curves) arriving from random directions are traced back until they hit
the neutrinosphere (blue torus). The computational grid is marked by
the small black dots and its boundary by the blue circle. See the elec-
tronic edition for a color version of the figure.

rapidly and on such small length scales that the effects of stellar
gravitational fields can be safely neglected. Gravity affects only
the propagation of the (anti)neutrinos between their emission (or
emergence from the neutrinosphere) and their annihilation.

In our models the gravitational field, which leads to ray
bending and redshift, is provided by the central Kerr BH of
mass M and (dimensionless) angular momentum parameter a ≡
J/M2 (where J is the angular momentum of the BH, and 0 ≤
a ≤ 1), whose metric is given in Boyer-Lindquist coordinates
(t, r, θ, φ) by

ds2 = gtt dt2 + gφφ dφ2 + 2gtφ dtdφ + grr dr2 + gθθ dθ2 (2)

with

gtt = 1 − 2Mr
ρ2 ,

gφφ = −
[
r2 + M2a2 +

2rM3a2 sin2 θ

ρ2

]
sin2 θ,

gtφ =
2rM2a sin2 θ

ρ2 ,

grr = −
ρ2

∆
,

gθθ = −ρ2,

where

∆ = r2 − 2Mr + (aM)2,

ρ2 = r2 + (aM)2 cos2 θ.

Let us now consider an observer located at the point x̄ where
the annihilation happens (Fig. 1). We will refer to this observer
as the local observer, and the quantities measured in his frame
are denoted by the subscript “L”. The local frame is defined by
an orthonormal base {et, er, eθ, eφ} such that a local observer is
at rest in the global (r, θ, φ) coordinate system, i.e. its 4-velocity
fulfills ua = 0 (the resulting orthonormal base vectors are given
in Appendix A). Hence, one cannot calculate the annihilation
rate inside the ergosphere, where no observers can be at rest.
This restriction could be lifted by using observers dragged along
by the BH, i.e. for observers with ua = gaβuβ = 0. However, the

e+ + n ! p+ ⌫̄e
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νν̄-annihilation. We analyze how the neutrino distribution and
the resulting νν̄-annihilation are influenced by GR effects, the
geometry and the properties of the neutrinosphere, and the mass
and spin of the central BH. To this end, we examine the most
likely configurations occurring in compact astrophysical sys-
tems: spherical neutrinospheres present in NSs, and thin disks
and thick tori surrounding stellar-mass BHs. We explicitly re-
mark that the absolute values of the neutrino luminosity and of
the energy-momentum deposition rate by νν̄-annihilation do not
play an important role for the discussion in this paper. Due to
the simplicity of the neutrino source models considered here, our
numbers for these quantities should not be interpreted quantita-
tively. They sensitively depend on the location and temperature
of the neutrinospheres, which must be expected to be different in
detailed hydrodynamic simulations that include some treatment
of the neutrino transport. However, for the purpose of compar-
ing the different effects, on which this paper focuses, only the
relative changes of the neutrino luminosity and νν̄-annihilation
matter.

The paper is organized as follows: in Sect. 2 we discuss the
theoretical fundamentals for calculating the νν̄-annihilation rate
in a given Kerr spacetime, and how we construct equilibrium
accretion tori surrounding Kerr BHs. In Sect. 3 we give a de-
scription of the numerical implementation of the ray-tracing al-
gorithm used to calculate the annihilation rate. The results of our
parameter study are discussed in Sect. 4, and the conclusions
of our work are presented in Sect. 5. Finally, technical details
concerning the calculation of the annihilation rate are given in
Appendix A, and convergence tests performed on our ray-tracing
algorithm are presented in Appendix B.

2. Theoretical fundamentals

Unless stated otherwise, we use geometrized units throughout
this paper, so that c = G = 1, where c is the speed of light
in vacuum and G is Newton’s gravitational constant. Greek and
Roman indices denote spacetime components (0–3) and spatial
components (1–3) of 4-vectors, respectively. The signature of
the metric is chosen to be (+,−,−,−), and 3-vectors are denoted
by a bar above the respective symbol, e.g. Ā.

2.1. Calculation of the annihilation rate

In order to compute the deposition of 4-momentum Qαi (t, x̄) by
the annihilation of neutrinos and antineutrinos of flavor i with
i ∈ {e, µ, τ} into e+e−-pairs at a spatial point x̄ per unit of time
and unit of volume, we follow a formalism very close to that of
Miller et al. (2003).

In flat spacetime the local annihilation rate is computed from
the Lorentz invariant neutrino and antineutrino phase space dis-
tribution functions fνi = fνi (t, x̄, p̄) and fν̄i = fν̄i (t, x̄, p̄′) (for
their exact definition see Appendix A) by the following integral

Qαi =
∫

d3 pd3 p′Aαi
(
p̄, p̄′

)
fνi fν̄i , (1)

where the Aαi are functions defined in Appendix A. They are
based on a covariant generalization of the expressions given in
Ruffert et al. (1997). Note that although we are concerned only
with time-independent models here, we include the argument t
in the distribution functions fνi and fν̄i for the sake of generality.
In the following we omit the indices of f .

Except for minor redefinitions Eq. (1) can also be used in
curved spacetimes (Miller et al. 2003), because the annihila-
tion process, which is a microphysical phenomenon, happens so

x

Fig. 1. Ray-tracing of neutrinos in a Kerr BH spacetime. At every
point x̄ where the annihilation rate is to be calculated, geodesics (red
curves) arriving from random directions are traced back until they hit
the neutrinosphere (blue torus). The computational grid is marked by
the small black dots and its boundary by the blue circle. See the elec-
tronic edition for a color version of the figure.

rapidly and on such small length scales that the effects of stellar
gravitational fields can be safely neglected. Gravity affects only
the propagation of the (anti)neutrinos between their emission (or
emergence from the neutrinosphere) and their annihilation.

In our models the gravitational field, which leads to ray
bending and redshift, is provided by the central Kerr BH of
mass M and (dimensionless) angular momentum parameter a ≡
J/M2 (where J is the angular momentum of the BH, and 0 ≤
a ≤ 1), whose metric is given in Boyer-Lindquist coordinates
(t, r, θ, φ) by

ds2 = gtt dt2 + gφφ dφ2 + 2gtφ dtdφ + grr dr2 + gθθ dθ2 (2)

with

gtt = 1 − 2Mr
ρ2 ,

gφφ = −
[
r2 + M2a2 +

2rM3a2 sin2 θ

ρ2

]
sin2 θ,

gtφ =
2rM2a sin2 θ

ρ2 ,

grr = −
ρ2

∆
,

gθθ = −ρ2,

where

∆ = r2 − 2Mr + (aM)2,

ρ2 = r2 + (aM)2 cos2 θ.

Let us now consider an observer located at the point x̄ where
the annihilation happens (Fig. 1). We will refer to this observer
as the local observer, and the quantities measured in his frame
are denoted by the subscript “L”. The local frame is defined by
an orthonormal base {et, er, eθ, eφ} such that a local observer is
at rest in the global (r, θ, φ) coordinate system, i.e. its 4-velocity
fulfills ua = 0 (the resulting orthonormal base vectors are given
in Appendix A). Hence, one cannot calculate the annihilation
rate inside the ergosphere, where no observers can be at rest.
This restriction could be lifted by using observers dragged along
by the BH, i.e. for observers with ua = gaβuβ = 0. However, the
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Figure 12. Variation of the log of the optical depth along the z-direction for the
νe neutrino at 12.02 MeV in the BNS merger model with no initial spins, plotted
for a selection of cylindrical radii: 5, 15, 25, 50, and 100 km (see legend for the
corresponding linestyles). The time corresponds to 60 ms after the start of the
VULCAN/2D simulations. Note that the disk transitions from optically thick to
optically thin conditions at ∼ 100 km, and that optical depth increases to a few
hundreds of km only inside the SMNS. For most of the disk, the diffusion time
(Equation 2) for 12.02 MeV νe neutrinos is on the order of a few milliseconds.
The disk is therefore only moderately optically thick for neutrinos with energies
at the peak of the spectral energy distribution.

is the origin of a thermally driven wind whose properties we
now describe.

3.2. Neutrino-Driven Wind

A few milliseconds after the start of our simulations and
onset of the burst of neutrinos from the BNS merger, a neutrino-
driven wind develops. It relaxes into a quasi-steady state by
the end of the simulations at 100 ms. Note that in this quasi
steady-state configuration, and as shown in Figure 10, the en-
ergy gain/losses due to neutrino in the polar direction is mostly
net heating, with no presence of a sizable net cooling region. In
Figure 13, we show this evolution for the no-spin BNS merger
model for four selected times: 10, 30, 60, and 100 ms. One can
see the initial transient feature, which advects out and eventually
leaves the grid. This transient phase is not caused by neutrino
energy deposition, but is rather due to infall at small radii and in
the polar regions of the ambient medium that we placed around
the merged object, as well as due to the sound waves gener-
ated by the core during the initial quakes. One can then see
the strengthening neutrino-driven wind developing in the polar
funnel. The side lobes of the SMNS confine the ejecta at radii
! 500 km to a small angle of ∼ 20◦ about the poles, but this
opening angle grows at larger distances to ∼ 90◦. The confine-
ment at small radii also leads to the entrainment of material from
the side lobes, overloading the wind and making it choke. The
radial density/velocity profile of this wind flow is thus kinked,
with variations in velocity that can be as large as the aver-
age asymptotic velocity value of ∼ 30,000 km s−1 (Figure 4).
As shown in Figure 13, the mass loss associated with the
neutrino-driven wind is on the order of a few 10−3 M$ s−1 str−1

at a few tens of milliseconds, but decreases to 10−3–10−4 M$ s−1

str−1 at 100 ms. The wind is also weaker along the poles than
along the 70◦–80◦ latitudes. The associated angle-integrated
mass loss summed over 100 ms approaches 10−4M$ and is
made up in part of high Ye material (∼ 0.5) along the pole, but
mostly of low Ye material (∼ 0.1–0.2) along midlatitudes. Thus,
“r-process material” will feed the interstellar medium through
this neutrino-driven wind. This latitudinal variation of the elec-
tron fraction at large distances is controlled by the relative
strength of the angle- and time-dependent νe and ν̄e neutrino

luminosities, the expansion timescale of the “wind” parcels,
and the neutron richness at their launching site (Ott et al. 2007).
Along the pole and at the SMNS surface, the low-density, high
neutron richness, and relatively stronger νe neutrino luminosi-
ties at late times in the no-spin and co-rotating spin models
lead to a high asymptotic Ye value (high proton richness). De-
spite the relatively high resolution employed in our simulations
(∼ 300 m in the radial direction at ∼ 20 km), higher resolution
would be needed to resolve this region accurately. Although we
expect this trend would hold at higher resolution, it would likely
yield lower asymptotic values of the electron fraction along the
pole.

Along the equatorial direction, low Ye material (∼ 0.1–0.2)
migrates outward, but its velocity is below the local escape
speed and it is unclear how much will eventually escape to
infinity.8 This is further illustrated in Figure 14 where we show
the angular variation of the density and velocity at 2900 km in
the no-spin BNS model, at 121 ms. The BNS merger is thus
cloaked along the poles by material with a density in excess of
104 g cm−3, while along lower latitudes even denser material
from the side lobes obstructs the view from the center of the
SMNS. Importantly, wind material will feed the polar regions
for as long as the merger remnant remains gravitationally stable.
Being so heavily baryon-loaded, the outflow can in no way be
accelerated to relativistic speeds with high Lorentz factors. In
this context, the powering of a short-hard GRBs is impossible
before black hole formation.

As seen in Figure 5, the rotational profile in the inner
100 km is strongly differential in the no-spin and counter-
rotating spin cases, while it is quasi-uniform in the co-
rotating spin case (see also Rosswog & Davies 2002, their
Figure 17). The good conservation of specific angular momen-
tum in VULCAN/2D is in part responsible for the preserva-
tion of the initial rotation profile throughout the simulation.
In reality, such a differential rotation should not survive. Our
two-dimensional axisymmetric setup inhibits the development
of triaxial instabilities that arise at modest and large ratios of ro-
tational and gravitational energies (Rampp et al. 1998; Centrella
et al. 2001; Saijo et al. 2003; Ott et al. 2005, 2007), i.e., under
the conditions that prevail here. Moreover, our good, but not ex-
cellent, spatial resolution prevents the modeling of the magneto-
rotational instability, whose effect is to efficiently redistribute
angular momentum (Balbus & Hawley 1991b; Pessah et al.
2006, 2007), and dissipate energy, and, in the present context,
leads to mass accretion onto the SMNS. The magneto-rotational
instability, operating on an rotational timescale, could lead to
solid-body rotation within a few milliseconds in regions around
∼ 10 km, and within a few tens of milliseconds in regions around
∼ 100 km. Note that this is a more relevant timescale than the
typical ∼ 100 s that characterizes the angular-momentum loss
through magnetic dipole radiation (Rosswog & Davies 2002).
Importantly, in the three BNS merger models we study, we find
that the free energy of rotation (the energy difference between
the given differentially rotating object and that of the equivalent
solid-body rotating object with the same cumulative angular
momentum) is very large. Despite differences of a factor of a
few between models, it typically reaches ∼ 5 × 1051 erg inside
the SMNS (regions with densities greater than 1014 g cm−3), but

8 Note that in the counter-rotating model, an axis problem in the form of a
low-density, high-velocity, narrow region starts at the onset of the neutrino-
driven wind and persists throughout the simulation. This spurious feature is,
however, localized and therefore does not influence the global properties of the
simulation.
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Figure 15. Colormap of the log of the “effective” emissivity Qeff (νi ) for νe (left), ν̄e (middle), and “νµ” (right) neutrinos at 60 ms after the start of the simulation for
the BNS merger configuration with no initial spins (top row), co-rotating spins (middle row), and counter-rotating spins (bottom row). We also overplot isodensity
contours at every decade between 1010 and 1014 g cm−3, to allow a visual assessment of the effect of the adopted density cut (at 1011 g cm−3) on the computation
of the annihilation rate. Note how severely this cut truncates the emission of “νµ” neutrinos. The calculation is based on the formalism developed and presented by
Ruffert et al. (1996).
(A color version of this figure is available in the online journal.)

From the effective emissivity distribution computed for each
neutrino flavor with the leakage scheme, Ruffert et al. (1997)
then sum the contributions from all pairings between grid cells.
For completeness, we briefly reproduce here the presentation
of Ruffert et al. (1997). The integral to be computed for
the energy-integrated νi ν̄i (representing equivalently νeν̄e or
“νµν̄µ”) annihilation rate at position "r is

Q+(νi ν̄i) = 1
4

σ0

c (mec2)2

{
(C1 + C2)νi ν̄i

3
·
∮

4π

dΩ Iνi

×
∮

4π

dΩ′ Iν̄i
[〈ε〉νi

+ 〈ε〉ν̄i
](1 − cos Φ)2

+ C3,νi ν̄i
(mec

2)2 ·
∮

4π

dΩ Iνi

×
∮

4π

dΩ′ Iν̄i

〈ε〉νi
+ 〈ε〉ν̄i

〈ε〉νi
〈ε〉ν̄i

(1 − cos Φ)

}

. (5)

Iνi
is the neutrino-specific intensity. Ω and Ω′ are the solid

angles subtended by the cells producing the neutrino and
antineutrino radiation incident from all directions. C1, C2, and
C3 are related to the weak coupling constants, CA and CV,
and depend on the neutrino species (see Ruffert et al. 1997
as well as Section 4.2). σ0 is the baseline weak interaction
cross section, 1.705 ×10−44 cm2, c is the speed of light, me

is the electron mass. Φ is the angle between the neutrino and
antineutrino beams, entering the annihilation rate formulation
through the term (1 − cos Φ) (squared or not), which thus gives a
stronger weighting to larger-angle collisions. This is what makes
the dumbell-like morphology of BNS mergers such a prime
candidate for νi ν̄i annihilation over spherical configurations
(see also the Appendix). 〈ε〉νi

and 〈ε〉ν̄i
are the νi and ν̄i

mean neutrino energies, respectively, whose values we adopt for
consistency from the simulations of Ruffert et al. (1997), i.e.,
12, 20, and 27 MeV for νe, ν̄e, and “νµ”, respectively (our values
are within a few times 10% of these, so this has little impact
on our discussion). Note also that the average neutrino energies
for all three species are much larger than mec

2, and therefore
make the second term in the above equation negligible (it is
about a factor of 1000 smaller than the first one, and also has a
much weaker large-angle weighting). The total annihilation rate
is then the sum Q+(νeν̄e) + Q+(“νµν̄µ”).

In practice, we turn the angle integrals into discretized sums
through the transformation

∮

4π

dΩ Iν −→
∑

k

∆Ωk · Iν,k, (6)

where ∆Ωk is the solid angle subtended by the cell k as seen
from the location "r . Ruffert et al. (1997) applied their method to
three-dimensional Cartesian simulations, while our simulations
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Neutrinos:	  Why	  bother?	  
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Figure 12. Variation of the log of the optical depth along the z-direction for the
νe neutrino at 12.02 MeV in the BNS merger model with no initial spins, plotted
for a selection of cylindrical radii: 5, 15, 25, 50, and 100 km (see legend for the
corresponding linestyles). The time corresponds to 60 ms after the start of the
VULCAN/2D simulations. Note that the disk transitions from optically thick to
optically thin conditions at ∼ 100 km, and that optical depth increases to a few
hundreds of km only inside the SMNS. For most of the disk, the diffusion time
(Equation 2) for 12.02 MeV νe neutrinos is on the order of a few milliseconds.
The disk is therefore only moderately optically thick for neutrinos with energies
at the peak of the spectral energy distribution.

is the origin of a thermally driven wind whose properties we
now describe.

3.2. Neutrino-Driven Wind

A few milliseconds after the start of our simulations and
onset of the burst of neutrinos from the BNS merger, a neutrino-
driven wind develops. It relaxes into a quasi-steady state by
the end of the simulations at 100 ms. Note that in this quasi
steady-state configuration, and as shown in Figure 10, the en-
ergy gain/losses due to neutrino in the polar direction is mostly
net heating, with no presence of a sizable net cooling region. In
Figure 13, we show this evolution for the no-spin BNS merger
model for four selected times: 10, 30, 60, and 100 ms. One can
see the initial transient feature, which advects out and eventually
leaves the grid. This transient phase is not caused by neutrino
energy deposition, but is rather due to infall at small radii and in
the polar regions of the ambient medium that we placed around
the merged object, as well as due to the sound waves gener-
ated by the core during the initial quakes. One can then see
the strengthening neutrino-driven wind developing in the polar
funnel. The side lobes of the SMNS confine the ejecta at radii
! 500 km to a small angle of ∼ 20◦ about the poles, but this
opening angle grows at larger distances to ∼ 90◦. The confine-
ment at small radii also leads to the entrainment of material from
the side lobes, overloading the wind and making it choke. The
radial density/velocity profile of this wind flow is thus kinked,
with variations in velocity that can be as large as the aver-
age asymptotic velocity value of ∼ 30,000 km s−1 (Figure 4).
As shown in Figure 13, the mass loss associated with the
neutrino-driven wind is on the order of a few 10−3 M$ s−1 str−1

at a few tens of milliseconds, but decreases to 10−3–10−4 M$ s−1

str−1 at 100 ms. The wind is also weaker along the poles than
along the 70◦–80◦ latitudes. The associated angle-integrated
mass loss summed over 100 ms approaches 10−4M$ and is
made up in part of high Ye material (∼ 0.5) along the pole, but
mostly of low Ye material (∼ 0.1–0.2) along midlatitudes. Thus,
“r-process material” will feed the interstellar medium through
this neutrino-driven wind. This latitudinal variation of the elec-
tron fraction at large distances is controlled by the relative
strength of the angle- and time-dependent νe and ν̄e neutrino

luminosities, the expansion timescale of the “wind” parcels,
and the neutron richness at their launching site (Ott et al. 2007).
Along the pole and at the SMNS surface, the low-density, high
neutron richness, and relatively stronger νe neutrino luminosi-
ties at late times in the no-spin and co-rotating spin models
lead to a high asymptotic Ye value (high proton richness). De-
spite the relatively high resolution employed in our simulations
(∼ 300 m in the radial direction at ∼ 20 km), higher resolution
would be needed to resolve this region accurately. Although we
expect this trend would hold at higher resolution, it would likely
yield lower asymptotic values of the electron fraction along the
pole.

Along the equatorial direction, low Ye material (∼ 0.1–0.2)
migrates outward, but its velocity is below the local escape
speed and it is unclear how much will eventually escape to
infinity.8 This is further illustrated in Figure 14 where we show
the angular variation of the density and velocity at 2900 km in
the no-spin BNS model, at 121 ms. The BNS merger is thus
cloaked along the poles by material with a density in excess of
104 g cm−3, while along lower latitudes even denser material
from the side lobes obstructs the view from the center of the
SMNS. Importantly, wind material will feed the polar regions
for as long as the merger remnant remains gravitationally stable.
Being so heavily baryon-loaded, the outflow can in no way be
accelerated to relativistic speeds with high Lorentz factors. In
this context, the powering of a short-hard GRBs is impossible
before black hole formation.

As seen in Figure 5, the rotational profile in the inner
100 km is strongly differential in the no-spin and counter-
rotating spin cases, while it is quasi-uniform in the co-
rotating spin case (see also Rosswog & Davies 2002, their
Figure 17). The good conservation of specific angular momen-
tum in VULCAN/2D is in part responsible for the preserva-
tion of the initial rotation profile throughout the simulation.
In reality, such a differential rotation should not survive. Our
two-dimensional axisymmetric setup inhibits the development
of triaxial instabilities that arise at modest and large ratios of ro-
tational and gravitational energies (Rampp et al. 1998; Centrella
et al. 2001; Saijo et al. 2003; Ott et al. 2005, 2007), i.e., under
the conditions that prevail here. Moreover, our good, but not ex-
cellent, spatial resolution prevents the modeling of the magneto-
rotational instability, whose effect is to efficiently redistribute
angular momentum (Balbus & Hawley 1991b; Pessah et al.
2006, 2007), and dissipate energy, and, in the present context,
leads to mass accretion onto the SMNS. The magneto-rotational
instability, operating on an rotational timescale, could lead to
solid-body rotation within a few milliseconds in regions around
∼ 10 km, and within a few tens of milliseconds in regions around
∼ 100 km. Note that this is a more relevant timescale than the
typical ∼ 100 s that characterizes the angular-momentum loss
through magnetic dipole radiation (Rosswog & Davies 2002).
Importantly, in the three BNS merger models we study, we find
that the free energy of rotation (the energy difference between
the given differentially rotating object and that of the equivalent
solid-body rotating object with the same cumulative angular
momentum) is very large. Despite differences of a factor of a
few between models, it typically reaches ∼ 5 × 1051 erg inside
the SMNS (regions with densities greater than 1014 g cm−3), but

8 Note that in the counter-rotating model, an axis problem in the form of a
low-density, high-velocity, narrow region starts at the onset of the neutrino-
driven wind and persists throughout the simulation. This spurious feature is,
however, localized and therefore does not influence the global properties of the
simulation.

Dessart,	  O*+	  ‘09	  

⌧⌫ ⇡ 1
“Neutrinosphere”	  

NS-‐NS,	  
HMNS	  
persists	  

•  Neutrinos	  important	  for	  
cooling	  of	  inner	  disk	  &	  
envelope	  of	  HMNS.	  Cooling	  
_mescale:	  O(10-‐100)	  ms	  
•  Pair	  annihila_on	  
•  Nucleosynthesis	  
•  Neutrino	  signal	  possibly	  
observable	  for	  event	  at	  
5	  Mpc	  (Sekiguchi+	  11).	  
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Figure 13. Colormaps of the log of the mass-loss rate per steradian (d2M/dt dΩ, in units of M! s−1 str−1) for the no-spin BNS merger model at 10 ms (top left),
30 ms (top right), 60 ms (bottom left), and 100 ms (bottom right) after the start of the VULCAN/2D simulation, and depicting the mass loss associated with the initial
transient, followed by the neutrino-driven wind. The displayed region covers 2000 × 2000 km2. Regions that are infalling or denser than 1010 g cm−3 are shown in
red, and velocity vectors, overplotted in black, have a length saturated at 7% of the width of the display for a magnitude of 30,000 km s−1. Note the concomitant mass
loss from the poles down to midlatitudes (the wind) and the expansion of BNS merger material at near-equatorial latitudes.
(A color version of this figure is available in the online journal.)

is on the order of 2×1052 erg in the torus disk, regions with den-
sities between 1011 and 1014 g cm−3. Similar conditions in the
core-collapse context yield powerful, magnetically (and ther-
mally) driven explosions (LeBlanc & Wilson 1970; Bisnovatyi-
Kogan et al. 1976; Akiyama et al. 2003; Ardeljan et al. 2005;
Moiseenko et al. 2006; Obergaulinger et al. 2006; Burrows
et al. 2007a; Dessart et al. 2007). Rotation dramatically en-
hances the rate of mass ejection by increasing the density
rather than the velocity of the flow, even possibly halting ac-
cretion and inhibiting the formation of a black hole (Dessart
et al. 2008). In the present context, the magneto-rotational
effects, which we do not include here, would considerably
enhance the mass flux of the neutrino-driven wind. Impor-
tantly, the loss of differential rotational energy needed to fa-
cilitate the gravitational instability is at the same time de-
laying it through the enhanced mass loss it induces. Work is
needed to understand the systematics of this interplay, and how
much rotational energy the back hole is eventually endowed
with.

Oechslin et al. (2007), using a conformally flat approximation
to GR and an SPH code, find that BNS mergers of the type
discussed here and modeled with the Shen EOS avoid the
general-relativistic gravitational instability for many tens of
milliseconds after the neutron stars first come into contact.
Baumgarte et al. (2000), and more recently Morrison et al.
(2004), Duez et al. (2004, 2006), and Shibata et al. (2006),
using GR (and for some using a polytropic EOS), find that
imposing even modest levels of differential rotation yields a
significant increase by up to 50% in the maximum mass that can
be supported stably, in particular pushing this value beyond that
of the merger remnant mass after coalescence. Surprisingly,
Baiotti et al. (2008), using a full GR treatment but with a
simplified (and soft) EOS, find prompt black hole formation
in such high-mass progenitors. Despite this lack of consensus,
the existence of neutron stars with a gravitational mass around
2 M! favors a high incompressibility of nuclear matter, such
as in the Shen EOS, and suggests that SMNSs formed through
BNS merger events may survive for tens of milliseconds before

Dessart,	  O*+	  ‘09	  

•  Present,	  if	  HMNS	  survives	  for	  
>	  10-‐100	  ms.	  
•  Energy	  &	  momentum	  
deposi_on:	  ejec_on	  of	  
neutron-‐rich	  ma*er.	  
•  long-‐term	  survival	  of	  merged	  
object	  in	  low-‐mass	  NS-‐NS	  
systems.	  
•  Dessart+	  ‘09	  was	  Newtonian,	  
but	  included	  spectral	  
neutrino	  transport.	  
-‐>	  need	  to	  check	  in	  GR.	  
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Neutrinos:	  The	  How	  
• Must	  solve/approximate	  transport	  of	  neutrinos:	  6+1	  D	  problem.	  
•  Standard	  diffusion	  approxima_on	  fails	  –	  cannot	  handle	  transi_on	  
to	  free	  streaming.	  

Common	  approaches	  (in	  the	  NS-‐NS/NS-‐BH	  context):	  
•  Energy-‐averaged,	  mul_-‐species	  neutrino	  “leakage”.	  

Mergers vs collisions: the multi-messenger picture 13

Figure 10. 3D rendering of the Ye distribution for the generic neutron star merger case (1.3 M�, 1.4 M�, no spins; run H). Only matter
below the orbital plane is shown. The bulk of the dynamically ejected matter has Ye-values as low as ⇠ 0.03.

tron star. We display a 3D rendering of the Ye distribution
for our standard neutron star merger case in Fig. 10 (val-
ues are shown at a given artificial optical depth, see Price
(2007)). The fractional Ye distribution within the ejecta of
the di↵erent cases is displayed in Fig. 11. Both neutron star
merger cases, runs G and H, upper left panel, eject material
with a pronounced peak near Ye ⇡ 0.03 with (marginally re-
solved) higher Ye-contributions from the neutron star crust,
see Fig. 1. For the most likely ns2 collision, run A, the Ye

distribution looks similar (upper left panel). The more ex-
treme –and less likely– more central collision cases (� = 2
and 5) produce strong shocks with very large temperatures
(Tpeak ⇡ 80 MeV). In these cases positron captures substan-
tially increase the electron fraction. In both these cases the
Ye distribution has a broad peak near Ye ⇠ 0.2 (see upper
right panel).
The nsbh cases show a similar tendency: where the ejecta are
predominantly due to tidal torques they still possess their
original, very low Ye. If, in contrast, they su↵ered strong
heating in shocks, the Ye distribution is shifted to larger Ye

values. The nsbh cases experience a di↵erent dynamical evo-
lution. In the long episodic mass transfer phase, see Fig. 6,

they are continuously tidally heated. In the later stages of
mass transfer a disk starts to emerge and there is a contin-
uous hydrodynamic interaction between this growing disk
and the ns remnant core. Due to this heating history the Ye

distribution is di↵erent: it still shows a peak near Ye = 0.03
but also extends smoothly to values of ⇠ 0.4. The collision
cases also show somewhat increased Ye values (⇠ 0.1) that
are due to the various heating phases in the di↵erent peri-
center passages.
The distribution of asymptotic velocities within the dynamic
ejecta is shown in Fig. 12. The distributions in ns2 merger
cases (upper left panel) show peak values around 0.15 c and
hardly any material faster than ⇠ 0.4 c (the “mass floor”
of the nsbh merger case, lower left panel, is di↵erent be-
cause the cases have a lower numerical resolution). The nsbh
merger cases show very similar velocity distributions. The
collision cases, in contrast, show a much broader distribu-
tion of velocities with small mass fractions reaching beyond
0.7 c, see the right column of Fig. 12. The bulk of ejecta in
the grazing ns2 collision has velocities similar to the merger
cases (⇠ 0.15 c), but smaller amounts of matter can reach
substantially higher velocities. The more central collisions

c� 2012 RAS, MNRAS 000, 1–22

Rosswog+	  12’;	  Ye,	  leakage	  • Mul_-‐group	  flux-‐limited	  diffusion.	  
Dessart+	  ‘09	  (5+1	  D	  post-‐processing)	  

Ruffert+	  ‘96,	  ’97,	  Ruffert	  &	  Janka	  ’01,	  Rosswog	  &	  Liebendörfer	  ’03,	  Rosswog+	  ‘04,‘05ab,	  
Lee	  &	  Ramirez-‐Ruiz+	  ‘04,’05,	  Sekiguchi+	  ’11,	  ’12,	  Rosswog+	  ’12,	  ...	  

•  New:	  GR	  two-‐moment	  schemes	  
with	  analy_c	  closures	  based	  on	  
Thorne’s	  GR	  moment	  expansion	  of	  the	  
radia_on	  field	  (Shibata+	  ’10).	  
•  Ray-‐tracing	  for	  pair	  annihilia_on	  
es_mates	  (see	  Birkl+	  ‘07	  and	  refs.).	  
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Gegng	  Neutrinos	  into	  Your	  Code	  
•  Simplest,	  yet	  s_ll	  state-‐of-‐the-‐art	  approach:	  Neutrino	  Leakage	  
•  Open-‐source	  implementa_on:	  O’Connor	  &	  O*	  ’10	  as	  part	  of	  
GR1D	  code:	  h*p://stellarcollapse.org/codes.html	  

• Mul_-‐D	  implementa_on:	  
- Cast	  rays	  in	  mul_ple	  direc_ons	  
at	  points	  of	  an	  auxilliary	  grid	  
to	  compute	  op_cal	  depth.	  
Use	  minimum	  value.	  

- All	  other	  computa=ons	  are	  fully	  local	  and	  can	  be	  taken	  directly	  from	  
GR1D’s	  leakage	  rou_nes.	  Get	  neutrino	  energy	  and	  number	  loss	  rates	  to	  
be	  included	  in	  hydro	  update.	  

- Possible	  to	  include	  neutrino	  pressure	  in	  op_cally-‐thick	  region.	  
- 3D	  implementa_on	  used	  in	  stellar	  collapse	  (O*+	  ’12)	  soon	  available	  as	  
part	  of	  the	  Einstein	  Toolkit	  (though	  only	  radial	  rays	  from	  center).	  



Simula=on	  of	  BH-‐NS	  Coalescence	  with	  
Nuclear	  EOS	  and	  Neutrinos	  
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–	  Preliminary	  Results	  –	  	  	  
Duez+	  in	  Prepara_on	  

	  
Simula=ng	  eXtreme	  Space=mes	  (SXS)	  Hydro	  Team	  
WSU:	  Bre*	  Deaton,	  Fatemeh	  Nouri,	  Ma(	  Duez	  (team	  leader)	  

Caltech:	  Jeff	  Kaplan,	  Roland	  Haas,	  Philipp	  Mösta,	  Evan	  O’Connor	  (-‐>CITA),	  	  
Mark	  Scheel,	  Béla	  Szilágyi	  

Cornell:	  Curran	  Muhlberger,	  Saul	  Teukolsky,	  Larry	  Kidder	  
CITA:	  Francois	  Foucart	  



Simula=on	  Setup	  &	  Ini=al	  Data	  
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•  SXS	  SpEC	  code	  (see	  Lovelace	  talk	  for	  vacuum	  part):	  
– Pseudospectral	  space_me	  evolu_on.	  
– Comoving	  grid	  &	  excision.	  Pseudospectral	  grid	  extends	  to	  wave	  zone.	  
– Finite-‐volume	  high-‐resolu_on	  shock	  capturing	  hydrodynamics.	  	  
– Leakage	  scheme	  following	  O’Connor	  &	  O*	  ‘10.	  

• MNS,grav	  =	  1.4	  MSun,	  MBH	  =	  5.6	  MSun	  (mass	  ra_o	  4:1).	  
•  BH	  spin:	  a*	  =	  0.9.	  
•  Ini_al	  separa_on	  corresponding	  to	  6	  orbits	  before	  disrup_on.	  
•  Laxmer	  &	  Swesty	  220	  EOS.	  

Example%case:%%LS220,%q=4,%s=0.9%

•  Evolve%from%30%ms%before%merger%(5.5%orbits)%
%%%%%to%55%ms%a}er%merger%(23%periods)%



SpEC	  NS-‐BH	  Simula=ons	  with	  hot	  EOS	  &	  Neutrinos	  
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Evolved	  for	  30	  ms	  before	  and	  55	  ms	  ader	  merger.	  
Space_me	  evolu_on	  switched	  off	  few	  ms	  ader	  onset	  of	  merger.	  
	  
Ini_al	  disk	  mass	  ~0.1	  MSun	  
Ejecta	  mass	  es_mate:	  ~0.03	  MSun	  (large	  uncertainty)	  
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SpEC	  NS-‐BH	  Simula=ons:	  Neutrino	  Luminosi=es	  
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(sum)	  
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SpEC	  NS-‐BH	  Simula=ons	  with	  hot	  EOS	  &	  Neutrinos	  

~200	  km	  (with	  radial	  stretching)	   Figure	  by	  Jeff	  Kaplan.	  
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SpEC	  NS-‐BH	  Simula=ons	  with	  hot	  EOS	  &	  Neutrinos	  

~150	  km	  (with	  radial	  stretching)	   Figure	  by	  Jeff	  Kaplan.	  
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SpEC	  NS-‐BH	  Simula=ons	  with	  hot	  EOS	  &	  Neutrinos	  

~80	  km	   Figure	  by	  Jeff	  Kaplan.	  



3D	  Temperature	  Distribu=on	  
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Figure	  by	  Jeff	  Kaplan.	  



3D	  Temperature	  Distribu=on	  
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Figure	  by	  Jeff	  Kaplan.	  



Summary	  
•  Numerical	  Rela=vists:	  
Please	  stop	  using	  polytropes!	  

•  It’s	  (rela_vely)	  easy	  to	  use	  more	  realis_c	  
hot	  nuclear	  EOS.	  Open-‐source	  code	  &	  EOS	  
tables	  available	  from	  stellarcollapse.org.	  

•  Including	  neutrinos	  is	  crucial	  for	  disk	  dynamics,	  
nucleosynthesis,	  and	  evolu_on	  towards	  GRB.	  Open-‐source	  
neutrino	  leakage	  scheme	  available	  at	  stellarcollapse.org.	  

•  Next	  step	  beyond	  leakage:	  	  
Energy-‐dependent	  neutrino	  transport	  in	  GR	  merger	  
simula_ons	  (e.g.,	  two-‐moment	  approx	  by	  Shibata+	  ’11).	  
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[NASA]	  



Join	  the	  	  
American	  Physical	  Society	  	  

Topical	  Group	  in	  Gravita=on	  (GGR)!!!	  
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h*p://www.aps.org/units/ggr/	  

Now	  is	  a	  great	  _me	  to	  join	  to	  help	  us	  gain	  	  
APS	  division	  status	  by	  2015,	  

the	  centennial	  of	  General	  Rela_vity!	  
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Neutron	  Star	  Structure	  and	  Crust	  
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214 F. Weber et al.

discovered. Measurements of radio pulsars and neutron stars in X-ray binaries com-
prise most of the neutron star observations. Improved data on isolated neutron stars
(e.g., RX J1856.5-3754, PSR 0205+6449) are now becoming available, and future
investigations at gravitational wave observatories focus on neutron stars as major
potential sources of gravitational waves (see [5] for a recent overview). Depending
on star mass and rotational frequency, the matter in the core regions of neutron stars
may be compressed to densities that are up to an order of magnitude greater than
the density of ordinary atomic nuclei. This extreme compression provides a high-
pressure environment in which numerous subatomic particle processes are likely to
compete with each other [6, 7]. The most spectacular ones stretch from the gen-
eration of hyperons and baryon resonances (Σ ,Λ ,Ξ ,∆ ), to quark (u, d, s) decon-
finement, to the formation of boson condensates (π−, K−, H-matter) [6–9, 11, 12]
(see Fig. 10.1). In the framework of the strange matter hypothesis [15–17], it has
also been suggested that 3-flavor strange quark matter – made of absolutely stable
u, d, and s quarks – may be more stable than ordinary atomic nuclei. In the latter
event, neutron stars should in fact be made of such matter rather than ordinary (con-
fined) hadronic matter [18–20]. Another striking implication of the strange matter
hypothesis is the possible existence of a new class of white-dwarfs-like strange stars
(strange dwarfs) [21]. The quark matter in neutron stars, strange stars, or strange
dwarfs ought to be in a color superconducting state [22–25]. This fascinating possi-
bility has renewed tremendous interest in the physics of neutron stars and the physics
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(probably	  not...)	  

Core:	  mul_fluid	  
Crust:	  Laxce	  +	  superfluid	  neutrons	  
-‐>	  	  ideally	  need	  elas_c	  &	  mul_fluid	  
	  treatment	  to	  get	  things	  right.	  
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•  Detailed	  EOS	  calcula_ons	  with	  3-‐nucleon	  interac_ons	  below	  nuclear	  
density	  -‐>	  solid	  theore_cal	  constraints	  on	  EOS	  and	  NS	  radii.	  	  

calcula=ons	  

allowed	  region	  
for	  fi(ed	  polytropes	  
P	  =	  KρΓ	  

Radius	  
constraint	  
for	  1.4	  MSun	  NS	  
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2	  MSun	  NS	  
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Disk%evoluAon:%%nonaxisymmetry%

Density	  in	  disk	  phase.	  

Postmerger	  disks	  is	  strongly	  non-‐axisymmetric,	  dominant	  m=1	  mode.	  


